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We present spectroscopic observations that place strong limits on the atmo-
spheric structure of the transiting extrasolar planet HD 209458 b. The discovery
of the transit has led to several new observations that have provided the most de-
tailed information on the physical properties of a planet outside the solar system.
These observations have concentrated on the primary eclipse, the time at which
the planet crosses in front of the star as seen from Earth. The measurements
have determined the basic physical characteristics of the planet, including radius,
mass, average density, and orbital inclination, and have even refined values of the
stellar mass and radius. Transmission spectroscopy of the system during primary
eclipse resulted in the first detection of the atmosphere of an extrasolar planet,
with the measurement of the sodium doublet.

The present work discusses the first reported attempts to detect the sec-
ondary eclipse, or the disappearance of the planet behind the star, in the infrared.
We devise the method of ‘occultation spectroscopy’ to detect the planetary spec-
trum, by searching in combined light for subtle changes in the shape of the spec-
trum as the planet passes behind the star. Predicted secondary eclipse events
were observed from the Very Large Telescope (VLT) on UT 8 and 15 July 2001
using the Infrared Spectrometer and Array Camera (3.5-3.7 pm). Further ob-
servations from the NASA Infrared Telescope Facility (IRTF) using the SpeX
instrument (1.9-4.2 pm) included two predicted secondary eclipse events on UT

20 and 27 September 2001. Analysis of these data reveal a statistically signifi-



v

cant non-detection of the planetary spectrum. The results place strong limits on
the structure of the planetary atmosphere and reject widely-accepted models for
the planet that assume the incident stellar radiation is completely absorbed and
re-emitted in the substellar hemisphere. Situations that remain consistent with
our data include an isothermal atmosphere or the presence of a high absorptive or
reflective cloud. The latter case is also consistent with the observed low sodium
abundance from transmission spectroscopy. These results represent the strongest

limits to date on the temperature structure of the planetary atmosphere.
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Chapter 1

Motivation

Through the ages, humans have looked to the stars and wondered about our
place in the Universe. How did we get here? Are we alone? Even as our knowl-
edge has increased dramatically over the centuries, these fundamental questions
remain. The study of extrasolar planets is providing new knowledge of our phys-
ical Universe that will hopefully someday help to answer these questions. Until
the first extrasolar planet was discovered in 1995, our Solar System was the only
example astronomers could use in devising models of planetary formation. With
the discovery of whole new classes of planets, our understanding of the general
nature of solar system formation has changed significantly, and new models are
being developed to predict planetary formation and explain observational results
(e.g., Boss, 2001; Armitage & Bonnell, 2002). By characterizing extrasolar plan-
ets we can help distinguish between evolutionary models and gain insight into the
formation of planets.

This work explores observations of one extrasolar planet, HD 209458 b, the
first one to be discovered that exhibits a transit of its parent star. That is,
as seen from Earth, the planet travels directly in front of the star and blocks a
portion of the emergent starlight. This special circumstance has allowed many
new and exciting observations to be performed, and this planet has become the

most well-characterized of any of the 105 extrasolar planets known to date. Our



observations of the secondary eclipse, that is, the time when the planet disap-
pears behind the star, have added to this body of knowledge. In this work, we
describe a new observational technique designed to detect the secondary eclipse,
demonstrate the technique by describing our observations and the results of the
analysis for HD 209458 b, and discuss the implications for the physical structure

and composition of the planet.

1.1 History

At the beginning of the twentieth century, the astronomer E. E. Barnard
discovered a star with an extraordinarily high proper motion (Barnard, 1916).
The star, which later became known as Barnard’s Star, is a faint red dwarf and
the second-closest star to Earth. After some two decades of observations, van de
Kamp (1963) announced that he had deduced the presence of a companion planet
orbiting Barnard’s Star, based on measured accelerations. Although the planet
has never been confirmed, the question of whether it exists has been debated for
years. Van de Kamp never wavered in his conviction that it did in fact exist, right

up to his death in 1995 (Mammana & McCarthy, Jr., 1995).

1.2 Background

The first confirmed extrasolar planets were detected around pulsars by mea-
suring small changes in timing information (Wolszczan & Frail, 1992). However,
because of the extreme radiation environment, these objects almost certainly do
not resemble anything in our own solar system. The first extrasolar planet found
orbiting a solar-like star was 51 Pegasi b (Mayor & Queloz, 1995), and it was
discovered using the radial velocity technique. By far the most successful detec-
tion method, the radial velocity technique accounts for nearly all of the extrasolar

planets discovered to date. Because a star and orbiting companion effectively



both orbit the center of mass of the system, a measurement of the stellar ‘wob-
ble’ reveals the presence of a planet. The radial velocity technique searches for
periodic Doppler shifts in the spectrum of a star, due to the motion of the star
along the line of sight toward Earth. Although this idea is not new, dramatic
improvements in the experimental techniques during the 1990s, particularly the
development of the iodine absorption cell for use as a reference spectrum (Marcy
& Butler, 1992), have led to measurements of stellar radial velocities with errors
of only 3 m/s (Butler et al., 1996). Given that Jupiter causes a shift in the solar
spectrum of ~ 12 m/s, the technique could now begin to detect gas giants around
other stars.

The radial velocity technique provides a direct measurement of the period
of the planet, and therefore the orbital radius from Kepler’s Third Law. However,
since the technique is sensitive only to stellar motion along the line of sight from
Earth, only the minimum mass M sin is determined, since the orbital inclination
1 of the planetary companion remains unknown. The technique also provides
other orbital information about the planet, including the orbital eccentricity. In
addition, the radial velocity curves also indicate the time of a possible crossing of
the planet in front of or behind the star; each time the velocity reaches zero, both
objects would be moving perpendicular to the line of sight. Using this information,
observers know the precise times at which to look for planetary transits.

A host of ongoing programs employ the radial velocity technique to search
for planets around solar-like stars. One of the leading teams, led by Geoff Marcy
and Paul Butler, notes that over 1000 have been surveyed, representing a nearly
complete sample of the solar-type stars within 30 pc of the Sun.! One limitation
of the method is that it can only be used on so-called ‘quiet’ stars, i.e., ones

with low chromospheric activity, to ensure that the periodic signal is truly due

1 http://exoplanets.org/science.html



to the orbiting companion, rather than a stellar effect. Even so, with such a
large sample of radial velocities and detected planets, useful statistics on the
frequency of planets and the mass distribution of planets are now available. Marcy
& Butler (2000) note that, as of two years ago, some 5% of planets around main-
sequence stars harbor planets of (0.5 —8) M;. The method is biased toward more
massive objects orbiting close to the primary star, and after only a few years of
observations, it became clear that a new ‘class’ of planets had emerged. These
are gas giants that orbit at a distance of less than 0.1 AU from the primary star,

and they are sometimes referred to as ‘hot Jupiters’ or ‘close-in extrasolar giant

planets’ (CEGP’s).

1.3 A Transiting Planet

Assuming a random orientation of orbits, a simple geometrical argument
gives the chance that a planet will eclipse the parent star as seen from Earth.
The probability is simply P = d,/a, where d, is the diameter of the star and a
is the orbital radius of the planet. For the close-in planets, a < 0.1 AU, and the
probability of observing a planetary transit is ~ 10%. About 18 such planets are
currently known.

One such close-in planet was discovered in 1999 around the star HD 209458
by radial velocity measurements (Mazeh et al., 2000). Follow-up observations re-
vealed that the starlight dimmed by ~ 1.6% periodically at the expected times
given by the radial velocity measurements. This discovery, reported nearly simul-
taneously by two independent groups (Charbonneau et al., 2000; Henry et al.,
2000), represents the first extrasolar planet known to exhibit a transit across its
parent star. Other researchers subsequently reported the discovery of the tran-
sit in the Hipparcos photometry data set (Robichon & Arenou, 2000; Castellano

et al., 2000). The detection of the primary eclipse (which occurs when the
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Table 1.1: Currently accepted values of the physical parameters of HD 209458 b.

Parameter (units) Value | Uncertainty
Radius®® (Ry) 1.42 +0.10-0.13
Mass®® (M) 0.685 +0.02
Orbital Period® (days) 3.5247542 | £0.0000044
Orbital Inclination® (°) 86.135 +0.104
Orbital Semi-Major Axis? (AU) | 0.0468

Orbital Eccentricity® 0.011 +0.015

%Value reported in terms of Jupiter value.
bCody & Sasselov (2002)
¢Schultz et al. (2003)
4Brown et al. (2001b)
¢G. Marcy (private communication, 2002)

planet passes in front of the star) led immediately to the most detailed knowledge
of the physical characteristics of any known extrasolar planet. With the orbital in-
clination now known, the true mass (~ 70% that of Jupiter) could be determined,
and the planetary radius (~ 40% larger than that of Jupiter) could be calculated
from the depth of the eclipse, since the eclipse depth is directly proportional to
the ratio of the planetary to stellar area. This led immediately to an estimate
of the average density of the planet, 0.3 g/cm® (based on updated planetary pa-
rameters in Cody & Sasselov (2002)), confirming that the object is, in fact, a gas
giant (Burrows et al., 2000). A summary of the basic physical characteristics of
HD 209458 b is given in Table 1.1.

Because of the orientation of the planet’s orbital plane, many new observa-
tions are now possible, and HD 209458 b has become the most well studied of any
known extrasolar planet. Follow-up measurements of the primary eclipse have
been performed by Brown et al. (2001b) using the Space Telescope Imaging Spec-
trograph (STIS) on the Hubble Space Telescope. These observations resulted in
a spectacular primary eclipse curve, which not only helped refine the planetary

mass and radius estimates, but in fact also led to a more accurate determination



of the stellar radius.

One of the most exciting observational possibilities is the concept of per-
forming transmission spectroscopy on the planet. Considering a gas giant with an
extended atmosphere, one can envision the absorption of starlight passing through
the annulus of the planet’s atmosphere as it crosses in front of the star as viewed
from Earth. Theorists have studied this well-known idea and its applications to
transiting extrasolar planets (Seager & Sasselov, 2000; Brown, 2001). In particu-
lar, Seager & Sasselov (2000) suggest that strong absorption effects of Na I, K I,
and He I may be observable, but they point out that the strength and number of
such absorptions is sensitive to the level of the cloud top.

With the discovery of HD 209458 b, observers have begun to measure the
primary eclipse with higher spectral resolution to look for evidence of absorption in
the planet’s atmosphere. One such effort led to the first detection of an extrasolar
planet atmosphere (Charbonneau et al., 2002), and they find that the column
density of sodium is reduced by a factor of 3 from model predictions. Bundy &
Marcy (2000) searched for transit effects in HD 209458 as well as in 51 Pegasi.
Finally, Brown et al. (2002) attempted to detect CO during a planetary transit of
HD 209458 b; although their measurements were unsuccessful, they suggest that
better observing conditions would make this measurement feasible.

A host of programs are currently underway or are being developed that
search for extrasolar planetary transits. One ambitious project is the Kepler
mission, a Discovery-class mission that is a space-based telescope to search for
transits of Earth-sized planets in the habitable zone around nearby solar-like stars.
With its five-year mission life, Kepler could reveal a few hundred Earth-sized
planets, as well as over one thousand giant planets, depending on the frequency of
planet formation (Borucki et al., 2002). Most recently, a second transiting planet

has been reported, discovered by the Optical Gravitational Lensing Experiment
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(OGLE) team. The planet, catalogued OGLE-TR-56b, has the smallest orbital
period of any known extrasolar planet (~ 1.2 days) and is the first planet to be

discovered using the transit method.

1.4 The Secondary Eclipse

The observations discussed thus far have been concerned with what I have
called the primary eclipse, or the time that the planet passes in front of the
star. I make a clear distinction between this and the secondary eclipse, which
occurs when the planet disappears behind the star. The possibility of detecting the
secondary eclipse in the infrared was first suggested by Charbonneau et al. (2000).
No detection of the secondary eclipse has been made to date. Our observations are
among the first attempts to detect the secondary eclipse, and they are certainly
the most sensitive. Although we concentrate here on observing direct radiation
from the planet, it is worth noting that reflected starlight from the planetary
atmosphere is another possibility for detecting the planet. This method would
apply to non-transiting planets as well, and in fact, Charbonneau et al. (1999)
placed an upper limit on reflected light from the planet orbiting 7 Bootis.

It is also worth clarifying the meaning of ‘direct’ radiation. This refers not
only to the radiative output from the planet’s internal energy source but also
to the shortwave stellar radiation that is absorbed by the planetary atmosphere
and re-emitted as longwave radiation. Clearly, the infrared region is of interest
for observing this type of planetary radiation; in the visible region, where the
primary eclipse has been observed, the direct planetary radiation is insignificant
compared to the reflected stellar radiation. Since the planet is expected to be
hot (T ~ 1400 K for zero albedo), a simple blackbody argument reveals that the
planetary output is possibly as much as 0.1% that of the star (for A = 3.6 um).

Although this is a small signal, we argue in Chapter 3 that it is attainable from the



ground with careful measurements and good atmospheric conditions. A detection
of the secondary eclipse in the infrared would therefore represent the first detection
of radiation emitted by an extrasolar planet, and would yield the first observational

estimate of the temperature of a planet outside the solar system.

1.5 Outline

To close Chapter 1 we describe briefly the organization of the rest of this
work. Chapter 2 reviews the fundamental equations and concepts of radiative
transfer and describes the spectral synthesis calculations used in the subsequent
analysis. Chapter 3 gives a general introduction to the observational methodology,
as well as an overall summary of the observational data. Chapter 4 discusses the
observations of two secondary eclipse events from the Very Large Telescope (VLT)
and the results of the search for methane in the planetary atmosphere. Chapter 5
gives a similar discussion for the two secondary eclipse events observed from the
NASA Infrared Telescope Facility (IRTF) and reports on analysis of the planetary
spectrum from 2.0-2.5 pym. Finally, Chapter 6 summarizes the implications of
these observations for the atmospheric structure of HD 209458 b and discusses the
exciting future observations of this and other extrasolar planets.

The field of extrasolar planet research is dynamic; the wealth of information
grows almost daily. The number of known extrasolar planets increases so fre-
quently that it is not worthwhile to provide a detailed summary in this work, be-
cause it would be outdated before the material went to press. I refer the interested
reader to the Extrasolar Planets Encyclopedia, an excellent website maintained
by Jean Schneider.? The site is a valuable resource, containing up-to-date infor-
mation on known extrasolar planets and their characteristics, detection methods,

references, scientific meetings and workshops, and other news.

2 http://www.obspm.fr/encycl/encycl.html



Chapter 2

Atmospheric Calculations

This project has focused on the observations of the transiting planet and
the reduction of these data. In order to interpret the results, however, we present
calculations describing the atmospheric structure of the planet. While modeling
of planetary atmospheres is a vast and highly specialized subject, the calculations
presented here represent a helpful way of interpreting the observational results

and placing useful constraints on the structure of the atmosphere of HD 209458 b.

2.1 Review of Radiative Transfer

We begin with a brief summary of the basic ideas and equations of radiative
transfer. A wealth of useful textbooks are available on the subject (e.g. Liou,
2002; Salby, 1996; Goody, 1995), and any of these would provide a more complete
description. For our purposes, however, it is sufficient to provide an overview as
a starting point for the subsequent calculations relating to HD 209458 b. Much
of the following discussion follows the description of the principles of radiative

transfer in Salby (1996, Chapter 8) and Liou (2002, Chapter 1).

2.1.1 Definitions

No description of radiative transfer, however brief, is complete without a

summary of the basic radiative quantities. The nomenclature describing these
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quantities is often confusing and inconsistent from different sources. As a basis for
the following discussion, we first recall the well-known relation between frequency
and wavelength,

Af =g, (2.1)

where c is the speed of light in a vacuum, A is the wavelength, and f represents

the frequency. Also, the wavenumber v is defined by

(2.2)

V=

1
A

. f d . . . 71
and is often measured in inverse centimeters (cm™').

Following convention, we consider a pencil of radiation traveling through a

medium. The energy in the beam is given by
dE, = I,(r,n,t) cosf dA dQdv dt, (2.3)

where I, is the monochromatic (spectral) radiance (which depends on the po-
sition vector r and the direction n), 6 is the angle from the normal to the sur-
face, and €2 is the solid angle in steradians. From Equation 2.3 we see that the
radiance, which is often called intensity, has units of energy/(area - time - solid
angle - wavenumber). (I will avoid the use of the term intensity, because it is fre-
quently used incorrectly and leads to confusion.) Furthermore, we can define the

monochromatic flux density by integrating over the solid angle:

F, = / L(r,n,) - ndQ (2.4)

The flux density is in general a vector quantity, until we choose a coordinate

system and calculate the flux density through a surface, as in

F,=F,-k= / I,(2,0, ) cos 0 d. (2.5)
Q
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The quantity F, is also called the specific irradiance, and it has units of en-
ergy/(area - time - wavenumber). Here is another nomenclature trap; the flux den-
sity or irradiance is often incorrectly called ‘flux.” In fact, the flux is calculated

by an integration over area, as in

Note that all the quantities described thus far have been defined as ‘spectral’ or
‘monochromatic’ quantities, meaning that they depend explicitly on wavenumber
(or equivalently, wavelength). The word ‘spectral’ may be dropped and replaced
by the word ‘total’ with a simple integration of the quantity over wavenumber.

For example, the total flux density is calculated from

F= /UF,, dv (2.7)

and similarly for the other quantities described above.

2.1.2 Blackbody Radiation Law

Next, we recall the definition of the Planck radiation law. Although the
derivation is beyond the scope of this work, his formula for the radiation emitted

or absorbed by a blackbody is

2hc?

B\(T) = \o (ehe/ T — 1Y’

(2.8)

where k is Boltzmann’s constant, 7" is the temperature of the blackbody, and A is
Planck’s constant. Note that B, (T') represents the monochromatic radiance of a
blackbody; a factor of m shows up in the numerator if the radiation is assumed to
be isotropic and we integrate over the solid angle to obtain the irradiance. Also,

by enforcing the physical constraint that

B)\ d\ = BU dl/, (29)
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Equation 2.8 can also be written in terms of the wavenumber v:

2hc?v?

By integrating Equation 2.8 over wavelength and solid angle, we obtain the Stefan-

Boltzmann Law, an expression for the total flux density of a blackbody:
F=oT" (2.11)

where 0 = 5.67 x 1078 J m 2s 'K * is the Stefan-Boltzmann constant.

2.1.3 Interactions with Matter

The beam of energy considered above interacts with the matter as it propa-
gates. The radiative transfer equation is derived from an understanding of how the
radiation beam changes as it propagates, and we therefore consider the processes
that affect the radiation beam in a general sense. Consider a beam of radiation
with spectral radiance I, that after traversing a distance ds through a medium
then has radiance I, + dI,. The amount of radiation removed from the beam can
be written

dl, = —k,pl,ds (2.12)

where k, represents the monochromatic extinction cross section and p is the mass
density of the matter in the medium. The extinction cross section represents a

sum of the cross sections due to absorption and scattering processes, as in
ky = 0w + 05 (2.13)

Matter can emit radiation, adding to the total energy in the radiation beam. We

can define an emission cross section j, as

dl, = j, pds (2.14)
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The source function S, is defined as the ratio of the emission cross section to the

scattering cross section:

Jv
S, =" 2.15
v (2.15)

Combining Equations 2.12, 2.14, and 2.15 and rearranging, we obtain

dl,
pk,ds

=—I,+05,. (2.16)

Equation 2.16 represents the fundamental radiative transfer equation in one di-

mension.

2.1.4 The Radiative Transfer Equation and its Solution

The radiative transfer equation can be written in a more convenient form
with only a few simple definitions. The displacement ds in the medium is not the
most important physical variable when solving radiative transfer problems. The
most relevant physical quantity is related to the amount of absorption that occurs
in a given displacement ds. If we consider a plane-parallel atmosphere, we are

typically interested in the radiation flowing in the vertical direction. Note that
ds = cos 0 dz, (2.17)

and we can define

p=cosf (2.18)

where 6 is the angle measured from the vertical, or the zenith angle. We can now
define the optical depth 7 as
T,(2) = — /k,,(z) p(2) dz. (2.19)
z
The minus sign appears because the optical depth is by convention measured from

the top of the atmosphere increasing downward. Using the definition of the optical
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depth, we can rewrite Equation 2.16 as

,u% =I,-5,. (2.20)
Note that the quantities I, and S, are both dependent on 7 and u. Equation 2.20
represents the basic radiative transfer equation for studying plane-parallel atmo-
spheres in one dimension.

Although it is simple to write an analytic solution to Equation 2.20, solving
it in practice turns out to be difficult. This is due, in part, to the fact that the
specification of the source function S, is not obvious. Since the source function ac-
counts for all processes of absorption, emission, and scattering in the atmosphere,
it can be quite difficult to obtain an analytic form for S, suitable for substitution
in Equation 2.20. However, if we assume that such an analytic form can be found,

the formal solution to the radiative transfer equation, after using an integration

factor e~"/#, can be written

Ty=Ty(2) d
L(ro 1) = 17, =0, 1) eTu(Z)/N_/ S,(ry, 2)el @)l T (9 97

T, =0 1%
Given that a complex form of S, could easily make the analytic solution of the

integral in Equation 2.21 impossible, it is useful to consider two special cases

where S, is known to have a simple form.

2.1.5 Limiting Cases

First, consider the case when S, = 0. This implies that the scattering and

emission terms are negligible. Equation 2.20 reduces to

dl,
®_, 2.22
a dr ( )

which can easily be integrated to obtain

I,(2) = I(2=0)e™®/n, (2.23)
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This equation is known as Beer’s Law or Lambert’s Law. It describes the dissi-
pation of radiation as it travels through a medium.

Next consider the situation where the medium is in local thermodynamic
equilibrium and suppose that scattering can be ignored. This implies that the
medium is undergoing emission as well as absorption, and that the source function

is simply equal to the Planck function from Equation 2.10:

Substituting into Equation 2.20, we have

dl

@y _ I, — B,(T). 2.25
= (1) (225)
This equation is the one we will solve in the spectral synthesis procedures described

below in Section 2.2.

2.1.6 Line Formation and Line Shape

We now return to the subject of absorption in the medium and turn specif-
ically to subject of absorption lines. This will form a key part of the calculations
performed in the spectral synthesis routines.

Discrete energy transitions lead to characteristic absorption lines at partic-
ular wavelengths in the spectrum of the atom. For molecules, these electronic
transitions are not the only way to transfer energy. Imagining the molecule as
a classical rigid body, we see it can store energy as translational, rotational, or
vibrational energy. The latter two, like electronic transitions, are quantized and
therefore give rise to discrete lines in the absorption spectrum of the molecule
(Liou, 2002, p. 17). In the mid-infrared region of the electromagnetic spectrum,
the region in which our observations were performed, the rotational and vibra-
tional transitions are coupled, giving rise to a band of lines called the rotational-

vibrational band.
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For any real observation, the line spectrum is affected by external forces
on the atom or molecule as well as energy losses, and thus, in a practical sense,
infinitely sharp lines will not appear; rather, a spectrum with lines having a finite
line width will be observed. The broadening of spectral lines occurs through three
main mechanisms (Liou, 2002, p. 20): energy losses in emission, changes induced
by collision effects (pressure broadening), and the Doppler effect. At the deepest
layers in the atmosphere, broadening is dominated by the pressure effect, while
higher in the atmosphere, a combination of the Doppler and pressure effects causes
line broadening. We briefly state the basic equations governing these processes.

Pressure broadening is the process by which the line shape is distorted due
to atomic and molecular collisions. The line shape is given by the Lorentz profile,
as in

S !

k=2
7w (v —1)? + a?

=S flv—u) (2.26)

where k, is the absorption coefficient, v, is the central wavenumber of the absorp-
tion line, and « is the half-width at half-maximum. The line strength parameter S
represents an integration of the absorption coefficient over all wavelengths (Pugh
& Rao, 1976). The quantity f(v —vyp) is called the line shape factor, and as Equa-
tion 2.26 suggests, it must be multiplied by the line strength in order to calculate
the absorption coefficient, and ultimately, the opacity. For pressure broadening,
the line shape factor is therefore given by

1 o

fulv —w) = —

T (v—1p)?+a?

(2.27)

In the absence of collisions, there is still a line broadening effect due to
the thermal motion of the particles. For non-relativistic motion (v < ¢), where
v represents the line-of-sight velocity of the particle, we recall the well-known

formula for the Doppler shift in terms of wavenumber v:

v =, (1 + %) . (2.28)
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We can insert this expression into the Maxwell-Boltzmann distribution for the
thermal energy of the particles, and assuming the same relation between line

strength and absorption coefficient as seen above in Equation 2.26, we have

S v—1p\>
= - , 2.2
k P exp ( - > (2.29)

where ap is the Doppler width,

2kgT

mc?

(2.30)

ap = g

and the half-width at half-maximum is given by apvIn2. Again, the line shape

factor for Doppler broadening is then given by

Fo(v — o) = —— exp <—” - ”°>2. (2.31)

In some physical situations, we have an intermediate case, where we need a
combination of the Lorentz and Doppler profiles to determine the line profile. As
noted by Liou (2002), we can perform a convolution of the Lorentz and Doppler

profiles to obtain
fvlv—1y) = / fi( —w)fo(v =) d/
(e} o . N\2
I / exp <%) dv'. (2.32)

/2 ap 700 2
This equation can be simplified by making a few substitutions, as in

1

fV(V - VO) = &DﬁK(m’y)’ (233)
where K (z,y) is the Voigt function, given by
Yy o0 1 —¢2
K = = G B —— dt 2.34
@ =t e (234

and letting ¢t = (v — V') /ap, y = a/ap, and x = (v — vy)/ap. This turns out
to be the general expression for the line shape function. In the limit of high
pressures, this reduces to the Lorentz profile. We use the general Voigt profile in

the subsequent spectral calculations.
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2.2 Spectral Synthesis Calculations

In order to gain an understanding of radiative transfer problems and to
interpret our observational data on HD 209458 b, we have implemented a set of
computational routines to calculate synthetic spectra. The general idea behind
any spectral synthesis routine is to calculate a theoretical spectrum based on
physical arguments. The process consists of several distinct steps, as discussed
by Nieminen & Ross (2001), including the determination of the source function,
the calculation of the continuum opacity, the calculation of the line opacities, and
ultimately the numerical integration of the radiative transfer equation. In this
section we describe the details of this process and the specifics of the IDL code
developed to implement it.

Since the physical structure of the atmosphere is largely unknown, we are
not interested in calculations of an excessively elaborate nature. The purpose of
the effort described here is to provide a relatively simple method for calculat-
ing spectra of HD 209458 b for comparison to the observational data. As such,
we have included the most relevant processes and made simplifying assumptions
whenever possible. More importantly, this allows us to get a general sense of the
atmospheric physics, and by comparing different physical situations to the ob-
servational data, we will ultimately obtain a model independent result—that
is, our results will not depend on any one model of the atmospheric structure of
HD 209458 b. Instead, we will have a general idea of which physical situations are
consistent and which are inconsistent with our observational data.

The planetary parameters we adopted correspond to those listed in Ta-
ble 1.1. The value for the surface gravity of the planet, ¢ = 842 cms~2, is calcu-
lated from the law of gravitation, given the adopted values for the planetary mass,

the stellar mass, and the orbital radius. HD 209458 is a GOV star very similar to
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the Sun, with an effective temperature of 7T, = 6000 K.

2.2.1 Elemental Composition

In order to calculate mixing ratios later, we must make an assumption about
the abundances of the elements. We make the typical assumption that the ele-
mental abundances are identical to those of the Sun, given by Anders & Grevesse
(1989). The values presented by Anders & Grevesse (1989) represent an exhaus-
tive collection of abundance information for the elements and isotopes, based on
evidence from meteorites and from the solar photosphere. In the subsequent cal-
culations, we consider only the most important molecular species. The relevant
elemental abundances for these species are shown in Table 2.1. However, for our
model atmosphere, we assume that all of the hydrogen atoms are combined in
molecular hydrogen, Ho. This is a valid assumption, given that the planet is a gas
giant, and at these temperatures, hydrogen combines with itself to form molecu-
lar hydrogen. This changes the total number of molecules in the atmosphere, and
therefore we have to adjust the relative abundances for H and He from the values
shown in Table 2.1. Using these values, we can calculate the abundance fraction

for Hy from
3 An

A, = ———
e %AH + Age

(2.35)

which reduces to Ay, = 0.821. Similarly, the adjusted He abundance can be found

from
AHe

Ay, = ———
e %AH + Ane

(2.36)

which is A}, = 0.179. These numbers are needed to compute the number densities
and partial pressures of the species, as well as the mean molecular mass of the
atmosphere, given by

m = 2 AHQMH + AIHeMHe- (237)
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Table 2.1: Values for elemental abundances based on data for the solar photo-
sphere given by Anders & Grevesse (1989). Given as fraction of total number of
atoms.

Element | Abundance Fraction
H 0.902
He 0.098
C 3.63 x 107*
O 8.51 x 107*

Using the results from Equations 2.35 and 2.36, we have m = 2.374.

From the elemental abundance fractions calculated above for H, and the
values for C and O listed in Table 2.1 we can calculate the abundances of three
molecular species of interest, HoO, CO, and CH,. We use the analytic formulas
given by Burrows & Sharp (1999), derived from chemical equilibrium arguments
for CO, HyO, and Hy. The result gives the mixing ratio for the molecular species as

a function of temperature, which we use later during the line opacity calculation.

2.2.2 The Temperature-Pressure Profile in Radiative Equilibrium

Researchers who construct fully self-consistent models of atmospheric struc-
ture produce results that include not only the emergent spectrum but also the rel-
evant parameters of the atmosphere at each layer, such as temperature, pressure,
density, optical depth, etc. This requires assumptions concerning the boundary
layers of the model atmosphere; for example, some have an opaque cloud deck
that serves as the lower boundary, and some assume irradiation from the star
as the upper boundary. The properties of each layer are usually calculated by
enforcing hydrostatic equilibrium and assuming local thermodynamic equilibrium
and radiative equilibrium. Local thermodynamic equilibrium implies that
the properties of a given layer are determined solely by the temperature of that

layer. Radiative equilibrium means that all of the energy is transported by
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radiation. Applications of radiative transfer problems to stellar atmospheres are
described in detail by Mihalas (1970), and many of these techniques are readily
applicable to studies of brown dwarf and extrasolar planet atmospheres.

However, the fully self-consistent calculation is beyond the scope of this
work. For our purposes, we want to see how different conditions in the plane-
tary atmosphere affect the emergent spectrum. Therefore, we start with a given
temperature-pressure (T-P) profile, and then continue by calculating opacities,
enforcing hydrostatic equilibrium, and finally integrating the radiative transfer
equation. This allows us to check a variety of models, computed under different
circumstances, and look at the changes in the resulting spectrum. This is an ex-
cellent way to gain an understanding of the atmospheric physics involved, and it
is extremely useful in interpreting our observational results.

We have employed a suite of T-P profiles, calculated by Sara Seager (private
communication, 2003), to compute the resulting emergent spectra. The different
cases are designed to test a variety of possible configurations for the atmosphere of
HD 209458 b. The fiducial profiles are plotted in Figure 2.1 and described in detail
in Chapter 5. We chose the fiducial models to cover as many physical situations
as possible, including the cloudy and cloudless cases, as well as the assumption for
redistribution of incident stellar radiation (f = 1 for redistribution of the incident
radiation over the entire planet and f = 2 for re-emission of the incident radiation
on the day side only; see description of Equation 3.16).

The Sudarsky et al. (2003) profile (dashed line) is shown in Figure 2.1 as a
reference; we used their calculated flux for comparison to our observational data,
as described in Chapter 5. The other T-P profiles, calculated by Sara Seager, are
used as input to the spectral synthesis code to calculate emergent spectra. The
first is the cloudless f = 1 model (solid line) and the second is the cloudy f =1

model (dashed line), which includes cloud opacities for MgSiOs, Fe, and Al,Os.
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Figure 2.1: Fiducial temperature-pressure profiles used in the spectral synthesis
routine. The Sudarsky et al. (2003) profile is shown as a dashed line. The other
three profiles were calculated by Sara Seager. The cloudless f = 1 model is shown
as a solid (lower) line, and the cloudy f = 1 model is shown as a solid (upper)
line. The cloudless f = 2 model is shown as a dotted line.

The cloudy profile is significantly hotter than the cloudless profile. Furthermore,
the ‘bump’ in the profile represents the location of the clouds; in those regions, the
cloudy opacity has increased the total continuous opacity, and since more radiation
is absorbed, the atmosphere is hotter there. Finally, a cloudless f = 2 profile
is also shown. In order to investigate different possibilities for the atmospheric

structure, we have scaled the two f = 1 profiles using the following prescription:
T; = To + (T — To) + Toftset (2.38)

where 7T is the original temperature of layer ¢, Tj is the temperature at the top

layer (the boundary temperature), Toaset is a constant added to calculate the new
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profile, and v is a multiplicative factor used to change the shape of the new profile.
By choosing an array of values for both Togset and 7, we can construct a profile of
essentially any shape, covering the range of plausible physical conditions for the
atmosphere. We record the difference in temperature from the boundary to the

level where the optical depth 7 in the center of the bandpass (v.) is unity,

AT =T(r,,=1) - Tp. (2.39)

Equation 2.39 provides a method of characterizing the temperature gradient of

the atmosphere.

2.2.3 The Continuous Opacity

One of the fundamental steps in any spectral calculation is the determina-
tion of the opacity. This depth- and wavelength-dependent quantity determines
the optical depth scale, as seen in Equation 2.19, and thus governs the amount
of radiation transmitted and absorbed by the atmosphere. We first discuss the
contribution to the opacity by continuous absorbers, and then we move on to a
discussion of the effect due to spectral lines.

The model atmosphere constructed for these calculations consists only of Hy
gas and He, in addition to some trace amounts of other molecular species that give
rise to the line opacities. Since all the hydrogen is assumed to be in the form of
hydrogen gas, there are no free electrons available for interactions, and thus, it is
not necessary to include the bound-bound and bound-free states of the hydrogen
ion, H~. We consider only the effect due to collision-induced absorption (CIA) of
H, with itself and with He.

Collision-induced absorption arises from the phenomenon that a dipole mo-
ment is induced in a body of interacting molecules (Frommbhold, 1993). We ob-

tained data on CIA absorption coefficients from extensive calculations performed
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by A. Borysow.! These absorption coefficients were reported in obscure units and
required a conversion factor before using them in the calculation. The optical
depth 7 is calculated slightly differently than shown in Equation 2.19. In this
case, since the opacity results from an interaction between two molecules, the
opacity and optical depth are defined slightly differently. The opacity is defined
by

KCIA = M1 M2 OCIA (2.40)

where n; and n, represent the number densities of the two interacting species in
cm 3 and ocra represents the Borysow absorption coefficient, which is a function of
temperature and wavenumber, with the appropriately-applied conversion factor to
give units of cm®. This gives the opacity value in cm ™!, and we can then calculate

the optical depth from

TCIA = /KCIAdZ. (2.41)

For our calculations, we included the effect of Ho-Hy CIA (Borysow, 2002) and Ha-
He CIA (Jorgensen et al., 2000). We obtained a grid of absorption coefficients as
a function of wavenumber and temperature, and we linearly interpolated the grid
to the wavenumber scale of interest at a given temperature. Using Equations 2.40
and 2.41, we then calculate the contribution to the total optical depth scale by

collision-induced absorption.

2.2.4 Line Opacities

As described in Section 2.1.6, the presence of discrete energy transitions
within a given molecular species leads to absorption and emission of photons
with particular values of energy (or, equivalently, with a given wavenumber).

These rotational-vibrational energy transitions reveal themselves in the spectrum

! http://www.astro.ku.dk/~aborysow/programs/
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because the absorption of a particular frequency of radiation causes an increase in
the overall opacity of the atmosphere at that wavelength, because all the photons
at that frequency are removed and re-emitted by interactions with the gas. In
our spectral calculations, we have included only the dominant absorbers for our

observational wavelength region, namely water, methane, and carbon monoxide.

2.2.4.1 Water

Water is the most significant absorber in the mid-infrared region of the
electromagnetic spectrum. This simple molecule exhibits literally millions of dis-
crete transitions. The accuracy of the ultimate spectral calculation depends on
the completeness of the line database used in the line opacity calculation. This
is especially true for water, since the transitions are highly dependent on the
temperature of the gas.

For our purposes, we employ the water line list constructed by Partridge &
Schwenke (1997). This extensive database contains over 300 million lines, with
over 8 million between 1.85 ym and 2.55 um. The theoretical calculations cover
the rotational-vibrational states of water, and the results are compared with ex-
perimental data for water transitions. Because many water lines are weak and
difficult to measure experimentally, the results have greatly improved the exist-
ing knowledge of water line data. We also adopt the partition function given by
Partridge & Schwenke (1997).

In the interests of making this large data set more manageable, but at the
same time preserving the completeness of the data set, we set a lower limit, or
cutoff value, on the strength of a given line; any line below the cutoff is ignored
in the subsequent calculation of the line opacity. A comparison of the resulting
spectrum given different cutoff values is shown in Figure 2.2. Because the line

opacity calculation requires a loop over the number of lines, the reduction of the
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Figure 2.2: The resulting synthetic spectrum is shown for two cutoff values in line
strength. The spectrum converges and this suggests that it is not necessary to
include the over 8 million Partridge & Schwenke (1997) lines in this region. Cutoff
values given in cm/molecule at 296 K.

number of lines needed for the calculation greatly speeds up the execution of the
program. With the chosen cutoff value (1.0 x 107*° ¢cm/molecule at 296 K), the
execution time of the line opacity calculation is only about two hours; this is
a great improvement over the more than ten hours required for calculating the

opacity from the entire line list.

2.2.4.2 Carbon Monoxide

The list of carbon monoxide lines was obtained from the HITRAN molecu-
lar absorption database (Rothman et al., 1998). The strength distribution of the

line list in the relevant wavelength region is shown in Figure 2.3. We adopted
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Figure 2.3: The HITRAN lines for CO in the wavelength region used for these
calculations. Strength is plotted in HITRAN units of cm™'/(molecule - cm™2) at
296 K (and the values have been divided by a factor of 1072").

the analytic formula for the partition function given by Goorvitch (1994, eq. 7).
CO is included in these calculations because it must be considered when calcu-
lating the thermochemical equilibrium of oxygen and carbon. Depending on the
temperature, the carbon most likely appears in the form of methane or carbon

monoxide.

2.2.4.3 Methane

Just as with CO, the methane line list was obtained from the HITRAN
molecular absorption database (Rothman et al., 1998). The strength distribution
for the same wavelength region is shown in Figure 2.4. Mixing ratios are calculated
based on thermal equilibrium with CO based on the calculations given in Burrows
& Sharp (1999). The rotational and vibrational partition functions we adopted

are the same as those used by (Wiedemann et al., 2001).
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Figure 2.4: The HITRAN lines for CH; in the wavelength region used for
these calculations. As in Figure 2.3, strength is plotted in HITRAN units of
cm™!/(molecule - cm™?) at 296 K (and the values have been divided by a factor of
10-21).

2.2.5 Integration of the Radiative Transfer Equation

With the grid of continuum and line opacities determined for a given temper-
ature profile, the only remaining step in the calculation of the planetary spectrum
is the integration of the radiative transfer equation. First, the optical depth scale
is determined from the opacity grids, as in Equation 2.41 for the continuum opac-
ity and Equation 2.19 for the line opacities. By adding the contribution to the
optical depth from the continuum and the lines, we calculate the optical depth
scale as a function of temperature and pressure. We found that the resulting nu-
merical integration of the transfer equation was more accurate if we interpolated
onto a standard optical depth scale, regularly spaced in the logarithm of 7. Since
we have ignored scattering in these calculations, the source function is simply
equal to the Planck function, and we find for the solution of Equation 2.25,

e_T/M

L(s) = / B(T(r) L dr. (2.42)

. p
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Finally, to calculate the emergent flux density, we use a standard IDL integration

routine to calculate the integral over pu. The flux density or irradiance is given by

F, = /Iu(u)udu- (2.43)

The p grid was defined from 0.1 to 1.0 in increments of 0.1.

2.2.6 Stellar Spectrum

Finally, we require the use of a spectrum of the parent star, HD 209458,
because our data are analyzed relative to the stellar continuum. Once the plane-
tary flux density has been calculated from the methods described above, we then
simply ratio this spectrum to the stellar flux density to calculate the relative flux
density. We experimented with several methods of calculating a stellar spectrum,
including the simplest method of using a 6000 K blackbody, as well as the slightly
more complicated case of the gray atmosphere, as described in detail by (Miha-
las, 1970, Chapter 2). Ultimately, however, we opted to use a Kurucz model of
HD 209458 provided to us by Sara Seager (private communication, 2003). The
three cases are compared in Figure 2.5. One can see from the upper panel that
the Kurucz model has small but significant deviations in shape from the black-
body calculation of the flux density. However, an integration over all wavelengths
(yielding the total flux density) gives the same temperature (within a few degrees)

for both cases from F = oT* (Equation 2.11).

2.3 Testing and Optimization of Code

In order to check that the spectral synthesis code was working properly, we
used several simple cases. One of the first of these test cases was an isothermal at-
mosphere. In this case the source function reduces to the Planck function, and the

emergent spectrum should simply look like a blackbody. For this test we removed
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Figure 2.5: Comparison of different methods for calculating the stellar flux. Upper
panel shows Kurucz model (solid line) compared to a blackbody (dashed line).
Lower panel shows only the wavenumber region of interest for the IRTF data
(3900 to 5400 cm™') and also indicates the stellar flux calculated from the gray
atmosphere approximation (dotted line). In both panels, the units on the y-axis
are erg/cm?/s/cm™!, divided by a factor of 10°.

the line opacities and clouds, and we simply replace the temperature profile with
a constant value (1000 K) as a function of layer in the atmosphere. We then allow
the calculation of the spectrum to proceed. The result is shown in Figure 2.6,
which indicates the spectral flux density as a function of wavenumber. It is seen
that the integrated planetary flux density is within 2% of the blackbody flux den-
sity for most of the range of wavenumbers shown. This agreement improves if
more values of 4 = cosf are included in the integration over the irradiance to
calculate the flux. A similar result is obtained for the stellar flux in comparison

to a 6000 K blackbody; in that case the agreement is approximately 5%.
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Figure 2.6: test

A further test of the isothermal case is to include the line opacities in the
spectrum calculation. Since all layers in the model atmosphere have the same
temperature, the temperature gradient is zero. In determining the structure of
the emergent spectrum, the temperature gradient is the most important property
of the atmosphere. With the gradient equal to zero, there can be no contrast
from one layer to the next. That is, for a given line, each layer emits and absorbs
the same amount of radiation, and therefore no line structure is observed in the
emergent spectrum. We verified that even when including the line opacities, the

code produces a blackbody ‘spectrum’ in the case of an isothermal atmosphere.

2.4 Results

A full and detailed description of the results of these calculations can be
found in Chapter 5 in the context of the analysis of the IRTF data. At this point

we show the results from the four fiducial cases in Figure 2.7. The Sudarsky
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Figure 2.7: Resulting spectrum (relative to stellar flux density) for the cloudy
case (thick, solid line) and the cloudless case (lower, dotted line) from the Seager
temperature-pressure profiles. The cloudless f = 2 result is shown as the upper
dashed line. Self-consistent spectra calculated by Seager are comparable. For
comparison, a spectrum calculated by Sudarsky et al. (2003) is overplotted (solid,
thin line).

et al. (2003) spectrum (thin, solid line) is their calculated flux ratio divided by a
model for the stellar spectrum, rather than the result from our spectral synthesis
procedure. The other spectra represent the results from the spectral synthesis
procedure for the three Seager profiles. The spectra calculated from the spectral
synthesis procedure are comparable to the self-consistent calculations. The results
from the scaled temperature-pressure profiles, based on the two f = 1 fiducial

profiles, are described in detail later, also in Chapter 5.



Chapter 3

Observational Methodology

The purpose of this chapter is to provide an introduction to the idea of occul-
tation spectroscopy and how we have applied it to the observations of HD 209458 b.
We present simple blackbody calculations that suggest the secondary eclipse is ob-
servable from the ground, given favorable observing conditions. We also present
the ephemeris calculations used to select the most favorable secondary eclipse

events to observe, and we summarize the observations conducted at the VLT and

the IRTF.

3.1 Introduction to Occultation Spectroscopy

In this section we introduce the concept of occultation spectroscopy and
compare with the idea of transmission spectroscopy. By occultation spectroscopy
we mean the detection of the planetary spectrum by subtracting the total (stel-
lar and planetary) spectrum observed outside eclipse from the stellar spectrum

observed during secondary eclipse, as in
F,=(F,+ F) - F, (3.1)

where F), represents the planetary flux density and Fj represents the stellar flux
density, and the dependence on wavenumber is implied. In practice, however, this

is difficult to measure directly because of the variability of terrestrial atmospheric
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absorption. Therefore, our approach is to determine the planetary spectrum rel-

ative to the stellar spectrum, as in

(Fy+F.) - P,

F, =
F,

(3.2)

This is the basic goal that forms the foundation of the observations of HD 209458 b
described in Chapters 4 and 5.

Occultation spectroscopy is not a new concept to astrophysics. A very
similar idea was used in observations of the Pluto-Charon system in 1987 by several
researchers. In fact, observations of a series of mutual eclipse events provided the
most comprehensive and precise information about these distant solar system
objects. Essentially, by applying the concept captured in Equation 3.2, observers
were able to record the spectrum of Pluto while it blocked its moon Charon during
the eclipse (Sawyer et al., 1987). By comparing the Pluto spectrum with the total
(out-of-eclipse) spectrum, the spectrum of Charon was also obtained, and the
result was the identification of water ice (Buie et al., 1987). The observations
led to better estimates of the geometric albedo of both objects. The difference
between these observations and those described in this work is that the Pluto-
Charon observations focused on reflected light, because both objects are cold. In
our observations, we seek to identify direct radiation from the orbiting planet,
since it is estimated to be around 1400 K, thus having significant output in the
infrared.

At visible and near-infrared wavelengths, the self-emitted flux of the planet
is negligible, making occultation spectroscopy of thermal emission unfavorable.
However, many of the strongest molecular features of interest in extrasolar plan-
ets (e.g., the very strong fundamental v3 band of methane) occur at longer wave-
lengths. With increasing wavelength, the total signal detectable using occultation

spectroscopy becomes as large, or larger, than that from transit spectroscopy.
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As applied to our observations, occultation spectroscopy is essentially di-
rect infrared spectroscopy of the extrasolar planet. In principle this could be done
at most orbital phases and also for planets that do not transit. However, it re-
quires detection of the small-amplitude planetary spectrum (the precise nature of
which is unknown), superposed on a strong stellar background. The measurement
becomes much easier if the signal is modulated predictably. The disappearance
of the planetary spectrum during secondary eclipse is therefore an essential part
of our technique. Note, however, that modulation by variations in Doppler ve-
locity could also be used for all hot Jupiter systems, even ones without transits

(Wiedemann et al., 2001).

3.2 Feasibility Arguments

Before we proposed the observations to detect the secondary eclipse, we did
some simple calculations to determine whether the eclipse would be detectable
from the ground. We describe these calculations as a motivation for our observa-
tions and analysis in subsequent chapters. As we shall see, the planetary signal is

small but detectable, given good observing conditions and careful analysis.

3.2.1 Blackbody Calculations

As a first approximation, one can model the planet and star as simple black-
bodies, using the expression in Equation 2.10. Since we are interested in the
relative energy output of the planet compared to that of the star, we define the

parameter o, as the ratio of the Planck function for the planet and star,
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where T, represents the blackbody temperature of the planet and T, represents
the temperature of the parent star. Substituting Equation 2.10 yields explicitly

hev /KTy _ 1
¢ (3.4)

Oy = V5 =-
v ehev/kTp _ 1

The quantity of interest, however, is not the radiance (represented by B,(T)),
but the total flux f, observed from Earth, or specifically, the ratio of the total
flux for the planet relative to that of the star. As described in Section 2.1.1,
the monochromatic flux density, or irradiance, is simply the integral over the

hemispheric solid angle (Equation 2.5):
F, = / 1, cos B dS. (3.5)
Q
Note that under the assumption of isotropic radiation, this equation reduces to
F,=nxl,. (3.6)

Finally, to calculate the total flux at a given wavenumber v, we integrate over

area:
ﬁ=/ﬂm. (3.7)
A

Thus, for under the assumption of isotropic radiation and for the blackbody ap-

proximation, we have for the total flux of the star
f(T,) =7AB,(T.) (3.8)

with a similar expression for the planet.

Although the planet is so distant that it cannot be spatially resolved from the
star, nonetheless there are three physical situations under which the HD 209458
system can be observed—primary eclipse, secondary eclipse, and no eclipse. To
get an idea of the magnitude of the effect, consider the total flux (as given in

Equation 3.8) from the system relative to the total stellar flux in each of these
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Figure 3.1: Rough estimate of the planetary flux relative to the stellar flux under
the blackbody approximation. Note that the area ratio is actually a function of
wavenumber, and this calculation assumes the value from the visible region.

cases. During a time of no eclipse, the total signal from the system is a sum of

the stellar and planetary effects, since both are visible:

0 — TBu(T)Ap + 7B,(T.) A

=1+ Ay (3.9)
7B, (T.)A, T, ‘

where A, and A, are the visible area (solid angle) of the planet and the star,
respectively. For the primary eclipse, part of the star is blocked by the planet, so
we have

() _ TBu(Tp)Ap + 7B, (T.)(As — 4p) _ e

Finally, for the case of the secondary eclipse, when the planet is completely hidden,

we have only
f(2) _ 7B, (T,)Ax _
v mB,(T,)A.

Evaluating these equations for 7, = 1500 K, T, = 6000 K, and v = 2778 cm™'

(3.11)

(A = 3.6 um), and using the ratio of the areas from visible measurements of the
primary eclipse, we have f,go) = 1.0013, which implies that at secondary eclipse the
total flux from the system is reduced by ~ 0.1%. This signal is small but observ-

able from the ground with careful measurements and good observing conditions.
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Figure 3.2: Simple calculations indicating the primary and secondary eclipses in
the visible (solid line) and the infrared (dashed line).

The ratio auﬁ—f is shown in Figure 3.1 for the region between 2500-6000 c¢cm L.
Clearly, as expected, the detection of the planetary signal becomes more favorable
for longer wavelengths. Note that this is only a rough approximation, not only be-
cause we use the blackbody assumption, but also because we have approximated
the area ratio with the value from measurements in the visible region.

This result for the eclipse curve is illustrated in Figure 3.2, which shows
a simple theoretical estimate of the primary and secondary eclipses in both the
visible and the infrared as a function of orbital phase (where 0 marks the time
when the planet is directly in front of the star and 1 represents the point when the
planet is directly behind the star). The solid curve represents the eclipse in the
visible; the depth of the primary eclipse is ~ 1.7%, as determined by the initial

discovery of the transit (Charbonneau et al., 2000). Based on simple blackbody
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arguments, the secondary eclipse should not be observed at visible wavelengths,
and indeed it is not (Charbonneau 2002, private communication). The dashed
line, on the other hand, represents the eclipse curve at 3.6 ym. In this case, as
described in the equations above, the flux at time of no eclipse has increased by
~ 0.1% relative to the visible case. The primary eclipse has filled in relative to
the visible case, but the relative depth is unchanged, since the ‘no eclipse’ level
has also increased. The important difference is the secondary eclipse, which shows

up at the 0.1% level.

3.2.2 Reflected Starlight

In this section we estimate the irradiance due to reflected starlight and
compare it to the irradiance due to thermal emission. Since our goal is to detect
the thermal emission of the planet, we need to check that it is not expected to be
drowned out by the reflected starlight.

The expression for the irradiance due to reflected starlight is

R,

Fr = AB,(T.) (7)2 (3.12)

where T, is the blackbody temperature of the star, R, is the stellar radius, and a is
the orbital radius of the planet. The factor R,/a appears because we must multiply
the Planck function by the solid angle subtended by the star. The quantity A is
the albedo, which represents the ratio of the reflected power to the incident power.
Although there are more complicated definitions involving phase integrals, in a
general sense, the albedo is simply the reflection coefficient. Comparatively, the

irradiance due to thermal emission is simply
Fr =7 B,(Tws) (3.13)

where T, represents the effective temperature of the planet.
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It is useful to derive an expression for Ty by equating the radiant power
from absorbed stellar radiation to the thermal emission. If we assume that all of
the incident stellar radiation must be either reflected or absorbed, the quantity
1 — A represents the fraction absorbed by the atmosphere. Thus, we can write an

expression for the total radiant power absorbed by the planet’s atmosphere:

RA\2
Py=(1—-A)oT*rR: (;*) . (3.14)

Using Equation 2.11 and multiplying by the surface area of the planet, we have

A1 R?
Pr = 7 Lol (3.15)

where f is a redistribution factor; f = 1 if the incident radiation is evenly dis-
tributed and re-radiated over the surface, and f = 2 if only the heated side
re-radiates the incident radiation, as in an atmosphere with no energy transport
mechanism (Seager & Sasselov, 1998; Guillot et al., 1996). By equating the ex-

pressions in Equations 3.15 and 3.14 we can derive an equation for the effective

\/gja*. (3.16)

Substituting the stellar and planetary parameters, we find that T,¢ = 1200 K.

temperature of the planet:

NI

Tex =T, [f(1 - A)]

Now we are ready to compute the ratio of the intrinsic planetary output to the

reflected stellar flux,
& _ WBA(Teff)
Fr  AB\(T.) (&)”

a

(3.17)

Evaluating this ratio for A = 3.6 ym and assuming a Bond albedo of 0.5, we find
that the intrinsic planetary flux density is nearly six times the reflected stellar

flux density.
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3.2.3 The Observation Limit

While the preceding arguments suggest that the flux density from the plan-
etary internal energy source (as opposed to the stellar radiation that has been
absorbed and re-radiated) is a small but detectable signal in the infrared, we now
consider the important fact that the planetary flux is not expected to be well-
represented as a blackbody. In the following arguments we continue to assume
that the star and terrestrial atmospheric background are blackbodies. This sim-
plifying approximation is sufficient to estimate the planetary output relative to
the background noise, due to the star and terrestrial atmosphere, but we note
that beyond 3 pum the blackbody curve is not accurate because the spectrum is
dominated by terrestrial absorption lines.

The observation limit is illustrated in Figure 3.3 for the IRTF. The upper
solid curve represents the total number of ‘background’ photons collected from
the star and terrestrial atmospheric background calculated for a three-hour in-
tegration time, the approximate duration of the secondary eclipse. The dashed
line below is the square root of the number of total background (star and at-
mosphere) photons collected, representing the error in the background signal. A
model for the planetary spectrum, based on calculations by Adam Burrows' for
HD 209458 b, is also shown. The plot indicates that the planetary spectrum is ex-
pected to be significantly above the background noise level in the region between
approximately 1 and 4 pym.

Finally, we emphasize that the basic observational goal is spectroscopy of the
extrasolar planet—our method will search for changes in the shape of the observed
spectrum due to the presence of the planet. Note that we are not attempting to

derive an absolute flux measurement of the planet.

! http://zenith.as.arizona.edu/~burrows/
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Figure 3.3: Expected number of photons collected using the 3-meter aperture
of the IRTF over a 3-hour integration time (upper solid line). Spectral resolu-
tion is R = 1500, a typical value for the SpeX instrument. Model spectrum
for HD 209458 b by Adam Burrows is above the photon noise limit (shown by
the dashed line) over a large range of the near- and mid-infrared regions of the
spectrum.

3.3 Infrared Astrophysics Basics

In the mid-infrared region of the spectrum, the sky emission of the Earth’s
atmosphere is bright, as indicated in Figure 3.3. The effect is so large that it
can drown out the signal from the astronomical object one is trying to observe,
and it must be removed. The common method for removing the sky background
is often called pair subtraction. In spectroscopic modes, one typically ‘nods’
the telescope along the slit length (spatial dimension, perpendicular to the the

dispersion direction). The object is observed at two positions on the slit length,
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called ‘a’ and ‘b’. If the two observations are made within a few minutes of each
other, the ‘ab’ pairs can be subtracted to remove the sky background to first
order, under the assumption that it has remained constant during that time. The
observation sequence is typically ‘abba’, so that gradual and linear changes in the
background can be removed. One advantage of spectroscopic observations is that
the sky emission is recorded in the unused portions of the slit for each observation
of the object of interest. We can in principle exploit this fact in making second-
order corrections when the conventional pair subtraction method fails to remove
the background completely. Correction of the atmospheric background to a few
percent (usually achieved by the first order correction) is typically sufficient for
most applications, but clearly in this case we must do better, given that the signal
we are trying to detect is of order 0.1%. Thus, in instances where the first order
correction clearly fails to remove the background completely, we apply the second

order correction.

3.4 Ephemeris Calculations

In planning the observations of HD 209458, we calculated upcoming primary
and secondary eclipse events by simply propagating the orbital period forward in
time, given an initial time of center of primary eclipse. The calculations were
performed with recent published values of T, = 2452223.896173 HJD and P =
3.5247542 d, based on the measurements from the Fine Guidance Sensor (FGS)
on the Hubble Space Telescope (Schultz et al., 2003). Published values of T, are
usually given in HJD (heliocentric Julian day), as are many astronomical times,
so that the value is independent of the location of the Earth in its orbital path.
Our calculation therefore also includes a correction for the light travel time from
the Earth to the Sun, so that we can calculate the eclipse times in terms of the

local time from our observing sites.
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Table 3.1: Latitude, Longitude, and Altitude of VLT and IRTF.* Offset refers to
the time that must be added to a UT value to obtain the local apparent time.

Telescope | Latitude Longitude Altitude (m) Offset (hr) ||
IRTF 19°50" N 155°28' W 4160 -10.37
VLT 24°38' S 70°24" W 2635 -4.67

*Data from http://www.seds.org/billa/bigeyes.html

Next, we must find the optimum eclipse events given a particular observing
location. In determining whether an eclipse is optimum, we consider the airmass
effect, which is discussed in more detail later. The air mass x is defined as the

inverse of the cosine of the zenith angle 6:

1 1
pry = —. ]_
T ot 1 (3.18)

As a celestial object moves away from the zenith, air mass increases and the ob-
served intensity from the object decreases, since the light must travel through a
longer path length of the terrestrial atmosphere, thus suffering greater extinction.
The optimal case with regard to observing the eclipse is when HD 209458 reaches
its zenith just as the eclipse begins or ends. In this case, the out-of-eclipse ob-
servations and the in-eclipse observations are recorded symmetrically about the
zenith (corresponding to maximum intensity), which helps mitigate the air mass
effect.

Practically speaking, however, it is not usually possible to select an eclipse
event with such a precise location and timing. With a period of only ~ 3.5 days, an
opportunity for observing an eclipse (primary or secondary) occurs approximately
once per week. (Every other eclipse event will occur during the daytime and thus
not be observable.) Thus, during a given observing season, only four to six eclipse
events will meet the criteria to be deemed “favorable”, namely that the entire

~ 3-hour duration of the eclipse occurs while the star is visible and that the
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center of the eclipse occurs within a few hours of the transit across the meridian.
In order to calculate the location of the star HD 209458 at a given time, we use
the well-known relation for the hour angle (HA) and right ascension (RA) of two
objects:

HA,; +RA; = HA, + RA,. (3.19)

Specifically, we need to calculate the HA of HD 209458, which represents the
angular distance from the local meridian, at a given time. We use the Sun as the
reference object. The RA of the Sun is tabulated, and we look up the data using
WebMICA,? a website maintained by the U. S. Naval Observatory containing a
wealth of astronomical data. We obtain the RA of the Sun for a range of dates
at 0" UT, when the HA of the Sun is 12". That is, 0" UT is defined as the time
when the Sun is directly behind the Earth, or 12" away from the local meridian.
Since the RA of the Sun changes gradually, we can assume that its value at 0"
UT is approximately the same as its value at local midnight. Substituting into

Equation 3.19, we have for the HA of the star
HA, = RAg + 12 — RA,. (3.20)

This equation represents the local time at which RA, transits the local meridian.
Thus, we can directly add this value (taking care to use the correct sign) to the
calculated local time of center eclipse, and we find the position of the star in the
sky at that time. The eclipse events are easily calculated in UT and must be
converted to local time based on the observing location. The longitudes shown in
Table 3.1 are used to calculate the offset from UT for that location. This offset is
then added to the UT value to calculate the local apparent time.

I have written an IDL routine called ephemeris.pro that performs all these

calculations. Results are shown in Table 3.2 for observing from the VLT during the

2 http://aa.usno.navy.mil/AA/data/docs/webMICA 2.html
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Table 3.2: Favorable secondary eclipse events as observed from the IRTF and VLT
during the summer and fall of 2001. Error in the time of center eclipse is given in
seconds. The HA of the star at the time of center eclipse is also shown; a negative
value implies that the star is east of the local meridian.

Location | Time of Center Eclipse (UT) Error (s) HA,
VLT Sun Jul 01 05:05:46 2001 16.1 -2.97
VLT fSun Jul 08 06:18:09 2001 15.4 -1.28
VLT fSun Jul 15 07:30:37 2001 14.7 0.41
VLT Sun Jul 22 08:37:30 2001 14.1 -1.93
IRTF Sun Aug 12 12:09:57 2001 12.2  -0.57
IRTF Sun Aug 19 13:22:50 2001 11.6 -0.13
VLT Thu Aug 23 01:56:29 2001 11.3  0.09
IRTF "Thu Sep 20 06:43:37 2001 9.3 -1.86
IRTF "Thu Sep 27 07:57:04 2001 8.8 -0.21
IRTF Thu Oct 04 09:04:59 2001 8.4 1.35
IRTF Mon Nov 12 03:42:28 2001 7.4 -1.56

tDenotes an observed event.

summer of 2001 and for observing from the IRTF during the fall of 2001. Included
in the table are the events we actually observed, as described in Chapters 4 and 5.
As seen in the table, all the favorable events occur when the star is within 3
hours of the meridian at the time of secondary eclipse, and within 2 hours for
the observed events. This routine can be used to predict future primary and
secondary eclipse events for HD 209458 b, and it could even be generalized to

calculate ephemerides for any object.

3.5 A Note on the Comparison Star

An integral part of our method to detect the signature of HD 209458 b is
the use of a comparison star. The single biggest hurdle to detecting the planet
from the ground is the variability of terrestrial atmospheric absorption, which is
significant and happens on practically all time scales. By observing a suitable

comparison star, we can remove the effect of the changing terrestrial absorption.
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Table 3.3: Location, brightness and photometric colors of the three stars used in
the IRTF and VLT observations. Right ascension (RA) and declination (Dec) are
given in Epoch 2000.0 coordinates.

HD 209458  HD 210483  HD 210460
RA 22 03 10.8 22 10 26.2 22 10 19.0
Dec | +18°53/04".0 +18°47'49".6 +19°36'58".8
%A 7.648 7.586 6.178
B-V* 0.594 0.585 0.706
b-yf 0.361 0.391 0.445

*Hipparcos Catalogue (Perryman et al., 1997).
tuvby S Photometric Catalogue (Hauck & Mermilliod, 1998)

By ‘suitable’ we mean a star that has a small angular separation from HD 209458
and is a good spectral match to HD 209458. By observing such a star within
minutes of HD 209458, we can derive the relative planetary spectrum F, from a

slight modification to Equation 3.2:

Fr:(FP’L]];*)_FC, (3.21)

where F, represents the observed flux density of the comparison star. Note that
a similar result can be obtained by returning to Equation 3.2 and substituting
into the denominator the average HD 209458 spectrum when the planet is hidden.
This would have the advantage of avoiding any slight variations between the stellar
spectrum and the comparison spectrum. However, the advantage of the using the
comparison star is that by switching frequently between the two stars, we have
nearly-continuous monitoring of the variability of the terrestrial atmosphere, and
this provides a method of correcting for these changes. Furthermore, the timing
of the secondary eclipse is uncertain, making the determination of the average
stellar spectrum more complicated.

Originally, on our first run at the IRTF in 2000, we had intended to use

the star HD 210460 as the comparison star for the experiment. Later, after being
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Table 3.4: Observational summary for the IRTF and the VLT in 2000 and 2001.
Over 1000 individual spectra of HD 209458 were recorded.

Secondary Number of Spectra Recorded

Telescope | UT Date | "p e | HD 200458 HD 210483 HD 210460
IRTF 17 Oct 2000 no 160 0 144
19 Sep 2001 no 161 40 172

20 Sep 2001 yes 319 320 0

26 Sep 2001 no 252 192 112

27 Sep 2001 yes 304 316 0

VLT 8 Jul 2001 yes 144 80 0
15 Jul 2001 yes 164 96 0

awarded a second round of observing nights in 2001, we discovered that HD 210483
was a better spectral match to HD 209458. We continued to make some obser-
vations of HD 210460 during the second run, in hopes of comparison to the 2000
data. However, we were able to obtain interesting results using only HD 210483,
and so the subsequent description of the analysis of the IRTF data will concen-
trate primarily on the use of HD 210483 as the comparison star. Information on
HD 210460 is included in Tables 3.3 and 3.4 for completeness. Table 3.3 gives data
concerning the location, brightness, and color indices of all three stars. (Refer to
Table 4.1 for further photometric data on HD 209458 and HD 210483.)

Finally, the use of the comparison star differed for the observations at the
two telescopes. At the 3-meter IRTF, slewing the telescope from HD 209458 to
HD 210483 required only about 15 seconds. At the VLT, this operation required
an overhead of over 6 minutes. This was obviously not well suited to track rapid
variations of the terrestrial atmosphere. Therefore, for the VLT observations, we
switched to the comparison star much less frequently, and we use those observa-

tions as a ‘control’ group, as described in Chapter 4.
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Figure 3.4: Air mass vs. Time of Observation for all spectra of HD 209458 and
HD 210483 recorded on UT 27 September 2001. Predicted time of secondary
eclipse (assuming the orbital eccentricity is zero) is shown by the dashed line, and
boundaries of the eclipse duration are shown by the dotted lines.

3.6 Observational Summary

As a transition into the following chapters on the analysis of the obser-
vational data, this section provides an overview of the observations performed
during the course of this project. All of the secondary eclipse events we observed
are indicated in Table 3.2. We conducted observations from the NASA IRTF in
September 2001, with an additional non-eclipse night in October 2000. The ob-
servations at the VLT were performed by a collaborator, Giienter Wiedemann,
in July 2001. A summary of these nights is shown in Table 3.4, along with the

corresponding number of spectra we obtained of the main program objects.
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In Figure 3.4 we show a summary of the observations of HD 209458 and
HD 210483 recorded on UT 27 September 2001. This serves to bring together the
concepts discussed over the course of the last few sections. The calculated eclipse
and its duration are indicated, showing that HD 209458 was nearly directly over-
head during the eclipse. Furthermore, it can be seen that the comparison obser-
vations are recorded at nearly the same air mass as the corresponding HD 209458
observations. At worst, the difference is approximately 0.05, occurring beyond 2.0
air masses, and furthermore, we correct for this small difference.

With an understanding of the basic purpose and methods of the observa-

tions, we are ready to proceed to the analysis and a description of the results.



Chapter 4

VLT Observations and Analysis

In this chapter we discuss the analysis and results of the observations of
HD 209458 b recorded at the European Southern Observatory’s Very Large Tele-
scope (VLT) in July 2001. The material presented in this chapter appears as a

published paper in the Astrophysical Journal (Richardson et al., 2003).

4.1 Introduction

The discovery of the transiting extrasolar planet HD 209458 b (Charbonneau
et al., 2000; Henry et al., 2000; Mazeh et al., 2000) has provided a unique oppor-
tunity to deduce the physical characteristics of one example of the so-called ‘hot
Jupiter’ class of extrasolar planets. The transit geometry has allowed an accurate
derivation of the stellar and planetary mass and radius (Brown et al., 2001b) and
also provides an opportunity to measure the composition of the planet atmosphere.
The scale height of an atmosphere in hydrostatic equilibrium is proportional to
T/g, where T is the atmospheric temperature and g is the surface gravity. Be-
cause stellar irradiation of the planet is intense at 0.046 AU (Seager & Sasselov,
1998), the atmosphere could be as hot as 7' ~ 1400 K or more. Coupled with
the relatively low surface gravity (¢ = 848 cm s2), the atmospheric scale height
is potentially as large as H ~ 750 km. Moreover, when viewed tangent to the

limb, the atmosphere can be opaque over several scale heights at the wavelength
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of a strong absorption line. The effective absorbing area of the planet can thus
be greater in a strong line by a detectable amount, producing a slightly deeper
eclipse at wavelengths close to the line core (Seager & Sasselov, 2000; Brown,
2001; Hubbard et al., 2001). That is, the opacity of the planet atmosphere will
impose weak, but potentially detectable, absorption lines on the stellar spectrum
as the planet passes in front of the star. Several investigations attempted to detect
the transmission spectrum extrasolar planetary systems (Bundy & Marcy, 2000;
Moutou et al., 2001). Using the Hubble Space Telescope to observe the primary
eclipse, Charbonneau et al. (2002) succeeded in detecting the sodium doublet in
the atmosphere of HD 209458 b.

In addition to sodium, absorption in molecular features of water, methane,
and carbon monoxide may also be observable (Hubbard et al., 2001; Brown, 2001).
Brown et al. (2002) attempted to detect absorption by carbon monoxide using
ground-based observations. From their attempt and our own experience, we rec-
ognize that the terrestrial atmosphere can potentially frustrate such efforts, but
we believe that good observing conditions and appropriate observational and an-
alytical techniques will enable successful measurements from the ground. The
known timing of the transit (Brown et al., 2001b) is a boon to this technique,
because it discriminates against false signals by providing a temporal modulation
on the signal.

In this chapter we introduce a new observational approach involving the
secondary eclipse, when the planet passes behind the star. The importance of
the secondary eclipse was first pointed out by Charbonneau et al. (2000), but no
measurement attempt has been reported in the literature. We have performed
moderate resolution ‘occultation spectroscopy’ to measure the modulation (i.e.,
disappearance and reappearance) of the potential planetary line spectrum as the

planet is hidden and revealed by the star. We have also performed lower reso-
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lution spectroscopy during and near secondary eclipse using the NASA Infrared
Telescope Facility (IRTF), attempting to isolate the broad infrared (IR) flux peaks
from the planet’s presumably hot atmosphere at wavelengths where the opacity is
minimal. This paper introduces the concept of occultation spectroscopy for extra-
solar planets, and reports the Very Large Telescope (VLT) spectroscopic results;
lower resolution occultation spectroscopy of the IR flux peaks using the IRTF

observations will be the subject of Chapter 5.

4.2 The Concept of Occultation Spectroscopy

In this section, we define the concept of occultation spectroscopy and briefly
explain our rationale for attempting this at secondary eclipse, as opposed to more
conventional transmission spectroscopy during primary eclipse. By occultation
spectroscopy we mean the detection of the planetary spectrum by comparing the
total (stellar and planetary) spectrum observed outside eclipse with the stellar
spectrum observed during secondary eclipse.

At visible and near-infrared wavelengths, the self-emitted flux of the planet
is negligible, making occultation spectroscopy of thermal emission unfavorable.
However, many of the strongest molecular features of interest in extrasolar plan-
ets (e.g., the very strong fundamental v3 band of methane) occur at longer wave-
lengths. With increasing wavelength, the total signal detectable using occultation
spectroscopy becomes as large, or larger, than that from transit spectroscopy. As
an example, consider a spectral line having sufficient strength to be opaque N
scale heights higher in the atmosphere compared to the nearby continuum when
viewed tangent to the limb. Cases of interest are for large N, so we can safely
assume that the line is also optically thick when viewed at normal incidence to the
planetary atmosphere. Transit spectroscopy searches for this absorption against a

stellar continuum flux proportional to ~ 2r RN H B3, where H is the atmospheric
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scale height of the planet, 2r RN H is the area of the annulus of the planetary
atmosphere, and Bj is the Planck function for the stellar continuum tempera-
ture at wavelength A. Occultation spectroscopy, on the other hand, looks for the
modulation of the planetary spectrum itself, with continuum flux proportional
to ~ TR?BY, where Bf is the Planck function for the planet’s continuum tem-
perature. With increasing wavelength, the increase in B} and the large area of
the planet (TR?) dominates the area of the atmospheric annulus (2rRNH) in
spite of the greater stellar intensity (Bj). Evaluating the ratios of these fluxes
for N =3, H =750 km, R = 1.0 x 10° km, and for stellar and planetary tem-
peratures of 6000 K and 1200 K, respectively, we find that the ratio equals unity
for A = 2.6 pym. A rigorous treatment would of course include the line profiles
and many other factors, but the inevitable tendency is that, for wavelengths long-
ward of the K photometric band, occultation spectroscopy becomes increasingly
favorable over transmission spectroscopy.

Occultation spectroscopy is essentially direct IR spectroscopy of the planet,
and in principle this could be done at most orbital phases, and also done for
planets which do not transit. However, it requires detection of the small-amplitude
planetary spectrum (the precise nature of which is unknown), superposed on a
strong stellar background. The measurement becomes much easier if the signal
is modulated predictably. The disappearance of the planet spectrum during
secondary eclipse is therefore an essential part of our technique. Note, however,
that modulation by variations in Doppler velocity could also be used for all hot
Jupiter systems, even ones without transits (Wiedemann et al., 2001). Note also
that the concept of occultation spectroscopy is not new; it was successfully used

to obtain the IR spectra of Pluto and its moon Charon (Sawyer et al., 1987).
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Table 4.1: Stellar photometric data for both stars, including V magnitude and
color and metallicity indices.

Parameter | HD 209458 HD 210483
V* 7.648 7.586
B-V* 0.594 0.585
b-y' 0.361 0.391
m! 0.174 0.175
cf 0.362 0.354

*Hipparcos Catalogue (Perryman et al., 1997).
fuvbyB Photometric Catalogue (Hauck & Mermilliod, 1998)

4.3 Observational Summary

We observed two secondary eclipses, on UT 2001 July 8 and UT 2001
July 15, with the ISAAC spectrometer on the VLT (Antu) at Cerro Paranal in
Chile. The observations were performed in visitor mode, with real-time decisions
regarding nodding frequency, integration time, etc. Both nights were clear, with
10 — 20% relative humidity, and seeing in the range from 0.5 — 0.7 arcsec. The
zenith column of precipitable water vapor, as measured from telluric water lines
in our spectra, was ~ 6 mm on July 8 and 1.6 mm on July 15.

ISAAC is capable of imaging and spectroscopy in the wavelength region
between 1 and 5 pm (Moorwood, 1997). We used spectroscopic mode with a
resolving power of 3300, covering the 3.5 to 3.75 um range (2667 — 2852 cm™").
Both eclipses occurred within an hour of transit across the local meridian, where
the star reached a minimum airmass of 1.38. The spectra maintained good quality
to the largest airmass we observed (2.51).

At approximately one half-hour intervals, we observed a comparison star,
HD 210483. The comparison star is within a degree of HD 209458, with nearly the
same B and V magnitudes and photometric colors (Table 4.1). We observed both

stars using a conventional ‘nod’ technique, placing them alternately at ‘a’ and ‘b’
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positions on the slit, in the order ‘abba’, with 60-second integrations at each slit
position. On July 8 we obtained 36 ‘abba’ sets of HD 209458, and 20 ‘abba’ sets
of HD 210483, while on July 15 we recorded 41 and 24 sets, respectively. About
once per hour, we obtained spectra of a continuum lamp for flat-fielding. We did
not rely on the standard flats; instead, we recorded flat field exposures immedi-
ately after each block of HD 209458 observations without moving the telescope or

instrument, in order to avoid small but non-negligible flexure effects.

4.4 Modeled Spectrum

We do not expect to achieve sufficient precision to detect the planetary
spectrum in each individual spectral resolution element; instead, we look for the
candidate signal by performing a least-squares fit of the observations to a model
‘template’. We computed the template as the emergent flux from a model at-
mosphere for the planet, using a series of specific radiance spectra at different
values of y (the cosine of the zenith angle). These were computed from the for-
mal integral of the radiative transfer equation, using an LTE source function; we
neglected all scattering terms, since the long-wavelength region is of interest and
we are assuming a cloud-free model. Flux density was computed by a quadrature
integration of the radiance spectra. The spectrum synthesis was done at very high
spectral resolution, and convolved to the 0.8 cm™! resolution of our ISAAC data
using a Gaussian instrument profile. We adopted the parameters for the star and
planet given by Cody & Sasselov (2002).

Model atmospheres for the planet can vary widely, with one major difference
being the treatment of clouds and aerosols. The maximum thermal contrast in IR
spectra is generally obtained from clear atmospheres; one reason for this is the fact
that scattering processing in clouds tend to wash out strong absorption features.

We have therefore used this most optimistic case as a reference point. Our fiducial
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model follows the calculation of Goukenleuque et al. (2000), with the surface
gravity appropriate for HD 209458 b. This model includes irradiation by the star,
but uses only gaseous opacities; condensates and particulates are assumed to have
settled out of the atmosphere forming a deep cloud layer. Figure 4.1 compares
the pressure/temperature structure from our fiducial model with a recent model
from Sara Seager (2002, private communication). The temperature vs. optical
depth structures of these models are similar, but the fiducial model requires a
much higher pressure (due to lower opacity) to attain the same optical depth as
the Seager model. (We also inspected a model for HD 209458 b kindly sent to us
by David Sudarsky (2002, private communication); it is slightly hotter than the
Seager model at all depths.)

We calculated the number densities of methane in the fiducial model, using
the simple analytic formulae given by Burrows & Sharp (1999). The methane
mixing ratio peaks at ~ 7 x 1079 at 25 mbar pressure, similar to the values for
the 51 Peg model (Goukenleuque et al., 2000). In computing the template, we
used the current best-available experimental methane line parameters from Brown,
Dulick, & Devi (2001a), now incorporated into HITRAN (Rothman et al., 1998),
and the calculation followed Wiedemann et al. (2001) in other respects (partition
functions, etc.). Since line parameters are critical to calculation of the template,
we calculated spectra of hot methane (773 K) at ISAAC resolution for laboratory
conditions, using both our adopted line data and also theoretical line parameters
from the spherical top data system theory (Wenger & Champion, 1998). We
compared these calculated spectra to laboratory measurements of hot methane
at 773 K, measured by Steyert & Reuter (2002, private communication) at the
same resolution. Based on these comparisons, we have confidence in the HITRAN
methane line data used to compute our model spectrum. Since our spectral region

also exhibits absorption due to water, we experimented using water lines in our
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Figure 4.1: Temperature vs. pressure structure for our fiducial model for
HD 209458 b (rightmost curve), and for a model by Seager (2002). The aster-
isks mark the points of Rosseland optical depth unity (Seager model) and 3.6 pm
optical depth unity (fiducial model).

template, also based on HITRAN. Because the HITRAN database is incomplete
at high temperatures, we also experimented with using HITEMP, a HITRAN line
database extension for higher temperatures, to obtain water line data. This results
in abundant weak absorption lines that do not significantly change the template.
We have therefore neglected water absorption in the analysis until more complete
information is available for individual hot water lines in this spectral region.

We expressed the planetary flux spectrum as a ratio to the stellar flux.
We computed the stellar flux from a gray atmosphere at 7" = 5800 K, reducing
the adopted 6000 K stellar temperature by 200 K to allow for the decrease in

brightness temperature from the visible to 3.6 ym, as documented for the solar
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Figure 4.2: Model template spectra containing only methane lines (lower solid
curve), and both methane and water lines (dotted curve). The upper solid curve
represents the ‘methane only’ template with a factor of three increase in the
continuous opacity, but retaining the same temperature-optical depth relation.

spectrum by Vernazza et al. (1976).

Figure 4.2 shows the modeled template spectrum, with and without water
lines from HITRAN included. In the results quoted and discussed below, we have
used the ‘methane only’ version of the model template, for reasons given above.
However, our results and associated errors do not change significantly if ‘HITRAN
water’ or ‘HITEMP water’ is included in the model template.

We computed methane spectra from models intermediate between our fidu-
cial model and the Seager model. If we increase the continuous opacity in the
fiducial model, while preserving the same temperature-optical depth relation, the

methane bands weaken rapidly (again, see Figure 4.2). The greater continuous
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opacity pushes all line formation to lower pressure layers, giving lower column
densities ‘above the continuum.” The mixing ratio of methane decreases at low
pressures (Burrows & Sharp, 1999), further lowering the methane column density.
Our fiducial model is a limiting case of an exceptionally clear atmosphere, and
many other models for the planet will not exhibit significant methane features,

thereby escaping the test of our present analysis.

4.5 Data Analysis

Analysis of the HD 209458 observations took place in four stages: 1) extrac-
tion of spectra from the 2-D data frames, 2) removal of the telluric (and the few
intrinsically stellar) absorption features from the spectra, yielding residuals which
potentially contain the planetary spectrum, 3) estimation of the ‘amplitude’ of
the planetary spectrum in each residual spectrum, and 4) fitting of the aggregate
results to a secondary eclipse curve. Since our present (and future) results depend
critically on the fidelity of our data analysis, we describe this process in some

detail, and we also describe checks made to insure the integrity of the analysis.

4.5.1 Spectral Extraction

The spectral frames were first cleaned of ‘hot pixels’ and temporary anoma-
lies such as energetic particle events. Temporal sequences of frames at a single
nod position were examined to locate hot pixels based on their variability, and
these pixels were given zero weight in subsequent analysis. Energetic particle
events were identified and repaired separately using a median filter applied to the
temporal sequence. The cleaned ‘abba’ set was combined by adding the ‘a’ frames
and subtracting the ‘b’ frames to produce a difference image, which was then di-
vided by a flat-field frame. The flat-field frame was computed as an average of

the individual flats during the night. We verified that temporal variations in the
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flats were negligible for purposes of our analysis.

At an excellent IR site such as Paranal, changes in the thermal background
are approximately linear with time during the several minutes required to record
an ‘abba’ set. Consequently, most of the background emission is removed by
construction of the difference image a-b-b+a. However, we found that a second
order correction was necessary to remove the background completely. We compute
the residual background spectrum by summing the region between the a and b slit
positions in the difference image. The relatively long slit used in ISAAC facilitates
the precision of this correction by providing a 17 arcsec length of background.
This residual background spectrum is subtracted from each row of the difference
image prior to the extraction of the spectra. Note that our technique differs from
usual IR practice, which would be to subtract the (negative) ‘b’ spectrum from
the ‘a’ spectrum after their extraction from the difference image, which would
automatically subtract the background to second order. However, this would not
maintain separate ‘a’ and ‘b’ spectra, which we desired in order to verify that our
results are independent of the position of the spectra on the detector array.

We extracted the ‘a’ and ‘b’ spectra from the difference image using the
optimal extraction formalism of Horne (1986). The spatial profile needed in the
optimal extraction was constructed by fitting polynomials in the intensity vs.
wavelength distribution at each slit position, and then sampling these curves in
the spatial direction at each wavelength. In the process of extracting the spectra,
we noted that the approximate signal-to-noise ratio of each spectrum (~ 200)
was close to the value expected based on the noise from Poisson statistics of
photoelectrons from the background.

At this stage of the analysis, the spectra were separated into sets correspond-
ing to July 8 or July 15, HD 209458 or HD 210483, and ‘a’ or ‘b’ slit positions.

Each of the 8 sets was analyzed independently of the other sets. The individual
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spectra in each set were shifted slightly using spline interpolation, so that the
telluric absorption features were all coincident. Frequencies in wavenumber for
the telluric lines were derived from high-resolution solar Fourier transform spec-
tra (Livingston & Wallace, 1991), convolved down to the resolution of the ISAAC
data. (This accounted for any blending of telluric lines, which can change their
effective wavenumbers.) Wavenumbers for each point in our ISAAC spectra were
derived by spline interpolation using the telluric lines as standards; the error of

! much less than the 0.8 cm ! spectral resolution.

this procedure was ~ 0.1 cm™
A single accurate wavenumber scale was thereby inferred for all the spectra in

each set. Sample spectra from both nights are shown in Figure 4.3.

4.5.2 Telluric Correction

The intensities in each spectrum fluctuate due to variable losses at the
ISAAC slit, as well as changes in the telluric line and continuum absorption.
For each set of spectra, we made an intensity normalization, followed by a cor-
rection to remove the telluric absorption. A pseudo-continuum was used as an
aid to normalization; it was determined as a spline fitted to a set of points in
each spectrum having the greatest intensity in pre-determined wavenumber in-
tervals. We then used a wavelength-independent scale factor to normalize each
spectrum so that the integral intensity under the pseudo-continuum was constant
for all spectra. That is, we enforce the condition that the total intensity under
each pseudo-continuum is equal to the total intensity under the average pseudo-

continuum; the normalization factor f; is calculated from

fi= %;CC (4.1)

where ¢ represents the average pseudo-continuum, ¢; represents the fitted pseudo-

continuum to spectrum %, and f; is the factor by which each spectrum 7 is multi-
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Figure 4.3: Sample spectra of HD 209458 for both observing nights. Most of the
line structure is telluric, due to methane and water vapor, as noted by the line
identifications. A few stellar lines are also marked (Farmer, 1989). Note that the
telluric water vapor lines were stronger on 2001 July 8. The spectrum from 2001
July 8 has been shifted by +0.5 for plotting purposes.

plied. Thus, the normalized spectra are calculated by
n; = fisi (4.2)

where n; is the normalized spectrum and s; is the original spectrum.

In the normalized spectra, at each wavelength element, we fit a least-squares
line to the natural log of intensity with airmass, Inn;(z, A). The fitted slope b,
was used to correct each intensity value to the minimum airmass in that set of

spectra (this corrects for airmass-dependent telluric absorption). That is, the
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airmass-corrected spectrum n! is obtained from
n; = exp (Inn;(x, \) — bA(T — Tpmin)) (4.3)

Each set of corrected spectra was then averaged. Residual spectra were calculated
by subtracting the average spectrum and dividing the difference by a continuum

fitted to the average spectrum. This produced residual spectra given by

- (4.4)

n!
which presumably contain the candidate planetary signal.

It is important to note several properties of the residual spectra. Division by
the pseudo-continuum of the average spectrum leaves the residuals expressed in
units of the stellar continuum. But since we divided by only one continuum curve
per data set, temporal changes in intensity were not masked by fluctuating errors
in continuum fits. Also, the subtraction of the average spectrum means that the
sum of the residuals at each wavelength is identically zero. So only variations in
the spectra survive this process. In particular, the planetary spectrum will survive

(since it varies due to the eclipse), but the intrinsically stellar lines (Farmer, 1989)

are subtracted.

4.5.3 Higher-order Corrections

Several additional corrections were needed before the residuals could be
compared with the model spectrum. First, we noticed that a broad absorption
feature was evident in some of the residual spectra, and it corresponded to a blend
of water lines near 2720 cm™!. The depth of this feature was ~ 20% relative to
the stellar continuum. This indicated a change in telluric water vapor absorption
from one observation to the next. To correct it, we obtained a low-noise residual

water spectrum by differencing the natural logarithms of the average spectrum for
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July 8 and July 15 (for both stars, and for both the ‘a’ and ‘b’ spectra, separately).
This exploits the (fortuitous) fact that the precipitable water vapor column was
appreciably different on the two nights, but telluric methane absorption was the
same. We tested each residual spectrum to see whether a significant correlation
existed with the water vapor spectrum. If it did, then we removed it from the
residuals by least-squares fitting.

We also noticed that the residuals sometimes exhibit variations at low spatial
frequencies (see upper panel of Figure 4.4). These baseline effects (typically ~
0.2 — 0.3%) are not surprising, because our analysis treats each wavelength point
independently. (We do not introduce artificial baselines - e.g., by continuum
fitting - but neither do we suppress real baseline variations.) A Fourier analysis
also revealed a spike of excess power at the Nyquist frequency (0.5 cycles per
pixel), which is commonly seen in IR data, usually indicating a difference in
the two output amplifiers reading alternate columns of the detector array. We
removed these effects by computing the Fourier transform for each set of residuals;
then we zeroed-out an appropriate number of low frequency elements, as well
as the DC offset (zero frequency) and the Nyquist frequency components. The
number of low frequencies removed (up to 0.0079 cycles per pixel) was taken
to be the maximum possible without impinging on frequencies where the model
planetary spectrum exhibited significant power. The same filter operations were
performed on the model template spectrum as on the observed residuals. Then we
inverse-transformed the filtered residuals and template, which were then suitable
for comparison. The effect of this Fourier filtering on the observed residuals is
seen the lower panel of Figure 4.4.

Even after the removal of variable water vapor absorption, and Fourier fil-
tering, the residuals needed an additional correction. We discovered that they

contained an excess of ‘outliers’, i.e., points more than several standard devia-



66

0.02 Residual Spectra

0.00}
-0.02

-0.04
-0.06

Relative Flux
1T ‘ = ‘ (= ‘ T
== [

\\\“q

2700 2750 2800 2850

0.02 Residual Spectra, After Fourier Filtering

0.00
-0.02

-0.04
-0.06

Relative Flux
= N ==

2700 2750 2800 2850
Wavenumber (cm™)

Figure 4.4: Residual spectra corresponding to the example spectra shown in Fig-
ure 4.3. Upper panel shows the residuals from the extracted spectra after telluric
correction. Lower panel shows the same residuals after the Fourier filtering pro-
cess. The residual spectrum from July 15 (lower curve) has been shifted by -0.03
in both panels for plotting purposes.

tions from zero. We exploited our comparison star observations to find those
wavelengths which tended to become outliers and reject them from the analy-
sis. The procedure was applied to the ‘a’ and ‘b’ spectra separately, since we
suspected low-amplitude ‘hot pixels’ as a likely cause of outliers. We applied a
wavelength-dependent ‘weighting mask’ to the residuals, where the weight of the
mask (normally unity) was set to zero when a particular wavelength was found to
deviate from zero by more than 2.50 in two or more spectra for both HD 209458
and HD 210483. The requirement that points are zero-weighted only if that wave-
length tends to be discrepant in spectra from both stars assures that this proce-

dure does not bias the results. About 7% of the points were zero-weighted using
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this method; we found that our final results were remarkably insensitive to the
limits for the rejection. The reason for this is that the total number of outliers
was much less than 7%, because a given point was always zero-weighted when it
met the above criterion, even if it was ‘well-behaved’ in the majority of spectra.
The standard deviation of the Fourier-filtered and masked residual spectra was in

the range 0.003 to 0.006.

4.5.4 Fit to the Planetary Spectrum

Prior to fitting the model template and Fourier filtering, the residuals are
corrected for the heliocentric Doppler shift due to the relative motion of HD 209458
with respect to the Sun (Nidever et al., 2002), as well as the geocentric Doppler
shift due to the relative motion of the Earth around the Sun. We have also cor-
rected for the non-negligible Doppler shift due to the orbital motion of the extraso-
lar planet with respect to HD 209458. The residuals are shifted in wavenumber to
the rest frame of the planet, and the model spectrum (already in the planet’s rest
frame) is interpolated onto the same wavenumber grid. Note that although the
correction is small, we have corrected each residual (each frame) for the Doppler
effect, based on its time of observation. The residuals calculated for HD 210483
are analyzed in an identical manner. Although HD 210483 is not known to host
a planet, we apply the same Doppler correction as we did to HD 209458, but
we calculate the correction based on the time of observation of each HD 210483
residual.

The comparison between each residual spectrum and the model planetary
spectrum is made using linear least-squares. For this purpose we use the ‘methane
only’ version of the model (see Section 4), since the state of the spectroscopic line
data gives us the most confidence in this version. (Our overall results do not

change with the ‘methane plus water’ version.) The result of a least-squares
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regression of the residuals vs. the model spectrum gives a quantitative estimate
of the degree to which each residual spectrum ‘contains’ the model planetary
spectrum. We refer to these estimates as ‘model amplitudes’, since they represent
the degree to which the model spectrum appears in each residual spectrum. The
least-squares fit also estimates the random error in the model amplitudes, typically
1.5 — 2.5. In other words, the signal-to-noise ratio for detecting the modeled
planetary spectrum in a single set of residuals is about 0.5. This is sufficient
precision to expect detection of the planetary spectrum in the average of ~ 50
residual spectra, provided that the signal-to-noise ratio increases as the square

root, of the number of spectra averaged.

4.5.5 Checks on the Analysis

We have checked our analysis procedures in several ways. Since we use
linear least-squares, the analysis should have the property that averaging the best-
fit model amplitudes for a set of residual spectra should give the same result as
fitting to the average of those residual spectra. We verified that our results satisfy
this identity exactly, if the time-variable Doppler shift applied to the residuals is
neglected (with Doppler shifts included, the equality is approximate.) We have
also confirmed that our numerical procedures do not attenuate potential signals.
We added a synthetic signal, identical to the modeled spectrum, at the earliest
practical stage of the analysis (immediately after the extraction of the spectra
from the 2-D data frames). The least-squares solutions recover this signal (as a
difference, out of eclipse minus in eclipse) with a best-fit model amplitude of near
unity.

Another important check on our analysis is to examine the nature of the
noise, specifically the distribution of noise as compared to a normal error distri-

bution. This is important because our error estimates implicitly assume that the
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Figure 4.5: Noise distribution of the residuals for the target ‘a’ spectra on the
UT 2001 July 8. Solid line indicates the theoretical value based on the Gaussian
probability distribution.

data reflect a normal error distribution. Figure 4.5 shows the error distribution
for all of the points (after masking) in the ‘a’ residuals of HD 209458 from July 8.
Apart from an excess of points within 1o of zero, the distribution closely approx-
imates a normal error curve. Similar distributions are found for the other sets of
data.

Figure 4.6 shows the distribution of ‘model amplitudes.” In this case we
construct the distribution from the least-squares fits to all residual spectra for
both HD 209458 and HD 210483 from both nights; this comprehensive inclusion
is needed to provide sufficient points to expect a reasonable approximation to the
normal error curve. Considering the number of residual spectra represented (242),

the data are in good agreement with the normal error curve. As a further check
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Figure 4.6: Noise distribution for computed values of model amplitude. All mea-
surements (242) are included: both stars, both nights, and for both the ‘a’ and
‘b’ spectra. Solid line indicates the theoretical value based on the Gaussian prob-
ability distribution.

on the errors, we computed the variation in fitted model amplitudes which result
from fitting Gaussian random noise whose standard deviation varied from 0.003
to 0.006, the same as the range of our filtered and masked residuals. The results
of this simulation were in close agreement with the error estimates derived from

the least-squares fits to the actual residual data.

4.5.6 Secondary Eclipse Timing

The timing of secondary eclipse depends on the orbital eccentricity. If the
eccentricity is identically zero (as might be expected based on tidal circularization

arguments) the secondary eclipse will occur exactly mid-way between primary
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eclipses. If the eccentricity is non-zero, it can occur up to ~ 90 minutes earlier
or later (depending also on w). Doppler observations to date (G. W. Marcy 2002,
private communication) give e = 0.011 + 0.015 with w = 156°, which would imply
0t = —31 minutes, i.e., a slightly earlier secondary eclipse. We computed the
time of secondary eclipse as a function of the eccentricity, using P = 3.52474 days
(G. W. Marcy 2002, private communication), and the zero-point from primary
eclipse at Ty = 2451659.93675 HJD (Brown et al., 2001b), and we corrected for
light travel time. We checked our calculations against a primary eclipse ephemeris
by David Charbonneau' (2002), obtaining essentially identical results, and we did
a similar check for the time difference introduced by using a non-zero eccentricity
(D. Charbonneau 2002, private communication). Given a calculated time for
secondary eclipse, we fit a simple eclipse curve to our model amplitude data by
linear least-squares. Our eclipse curve uses two levels (in- and out-of-eclipse)
connected by straight lines. The time from first to fourth contact was taken to
be 184.3 minutes, and from second to third contact 132.2 minutes (Charbonneau
et al., 2002). Note that, due to the subtraction of an average spectrum in our data
analysis, only the amplitude of the eclipse curve is significant; the ‘zero-point’

in the fitted eclipse curve is not meaningful.

4.6 Results and Discussion

Given the precision achieved by our analysis, we would expect to detect the
planetary spectrum if it is represented by the irradiated, cloudless, zero-albedo
atmosphere, with thermochemical equilibrium abundances of methane (and wa-
ter), and also provided that the timing of the secondary eclipse is known, and the
stellar and planetary parameters (radii, etc.) are exactly as adopted. We first con-

clude that this precision can indeed be achieved using ground-based observations.

! http://www.astro.caltech.edu/~dc/frames.html
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The recent results and discussion of Brown et al. (2002) imply the feasibility of
ground-based detection, since these authors came within a factor of ~ 3 of the
required precision, using data for only one night in poor weather. Our experience,
using a somewhat different technique, confirms that the requisite precision can be
obtained if good observing conditions prevail.

Our results for the secondary eclipse are illustrated in Figures 4.7 and 4.8,
showing the derived ‘model amplitudes’ for each HD 209458 spectrum (‘a’ and ‘b’
for both nights) vs. time from the assumed mid-point of secondary eclipse. Recall
that the error bars for individual spectra were derived from the least-squares fits
to the residuals after telluric corrections, Fourier filtering, and masking. We fit
an eclipse curve to the aggregate results at each assumed eclipse time. (We fold
the curve about the mid-point of secondary eclipse for the figures.) Also, there
is no evidence that the results from the ‘a’ and ‘b’ spectra analyzed separately
are significantly different. Figure 4.7 shows the result for e = 0.011, i.e., taking
the slightly non-zero eccentricity from the Doppler data at face value, again for
all spectra. The solid line is the least-squares estimate of the eclipse amplitude,
—0.1+£0.3, and the dashed line shows the levels corresponding to an eclipse ampli-
tude of unity (i.e., if the model template spectrum correctly represents the planet,
and the timing is correct.) Figure 4.8 shows the corresponding result (0.5 4 0.4)
under the assumption that the eccentricity is identically zero. In each case the re-
duced chi-squared of the fit is ~ 1.5, indicating that the scatter of the data is only
slightly larger than the independently-assigned error bars. Note that each plot for
HD 209458 is accompanied by a similar fit to the comparison star, shown in the
lower panels. In both cases, the comparison star shows no significant change, as
expected.

Adopting e = 0.01 from the Doppler data, our results for non-detection of

the secondary eclipse (—0.1 + 0.3) exclude the model template spectrum at the
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Figure 4.7: Fitted secondary eclipse curves (solid line) for HD 209458 (upper
panel) and the comparison star (lower panel). These fits assume the current best-
fit Doppler value of the orbital eccentricity, e = 0.01, resulting in the eclipse being
31.1 minutes earlier than that of an orbit with zero eccentricity. The dashed lines
represent an eclipse amplitude of unity.

> 3o level. Given our error distributions, this case is firmly rejected. Assuming an
eccentricity of zero, non-detection of the secondary eclipse is ambiguous (0.5+0.4).
However, even if we explore eccentricities over the entire plausible range from 0.0
to 0.03, and assume w values in the first and second quadrants, the fitted secondary
eclipse amplitudes never reach unity. Instead, the amplitudes vary from —0.2 to
+0.9, and the amplitudes for the comparison star similarly range from —0.5 to

+0.9. At a given eclipse time, the amplitudes for the two stars are uncorrelated,
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Figure 4.8: Fitted secondary eclipse curves (solid line) for HD 209458 (upper
panel) and the comparison star (lower panel). These fits assume that the orbital
eccentricity is zero. The dashed lines represent an eclipse amplitude of unity.

as expected when sampling the noise envelopes resulting from fitting independent
random data to eclipse curves of variable timings. We therefore conclude that
the secondary eclipse is not detected using our ‘methane template.” Given the
similarity between HD 209458 and the comparison star in terms of the noise enve-
lope, and noting the nearly identical reduced chi-squared values, we conclude that
HD 209458 b probably does not exhibit significant methane absorption features,
in agreement with the models of Sudarsky et al. (2003). Methane absorption in

the combined light spectrum (star plus planet) has a total equivalent width of no
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more than 0.025 cm™! within our absorption bandpass (2667 — 2852 cm™).
Deviation of the planetary atmosphere from our fiducial model is not difficult
to explain. As discussed in Section 4, models of this planet must be exceptionally
clear if significant methane absorption is to appear in their spectrum. In this
respect our fiducial model represents a limiting case. Our results are certainly
consistent with the suggestion of a cloudy atmosphere based on the observed
low sodium abundance (Charbonneau et al., 2002). However, even in a clear
atmosphere there may be other viable explanations for both the sodium result
(Barman et al., 2002), and our present result (e.g., photochemical depletion of
methane). Nevertheless, it is significant that we can now begin to limit the range

of parameters of viable models of the planet using ground-based observations.



Chapter 5

IRTF Observations and Analysis

The material in this chapter has been submitted for publication in the As-

trophysical Journal.

5.1 Introduction

The discovery of the first transiting extrasolar planet, HD 209458 b, (Char-
bonneau et al., 2000; Henry et al., 2000) has led to several new observations
designed to characterize the physical properties of the planet. These observations
have provided a determination of the planetary and stellar radii and the true plan-
etary mass (Brown et al., 2001b; Cody & Sasselov, 2002). Furthermore, given the
geometry of the orbit, we are now beginning to learn about the structure of the
planet’s atmosphere. The atmosphere was first probed conclusively by Charbon-
neau et al. (2002), who reported a detection of the sodium doublet in transmission
as the planet crossed in front of the star. Although typical models account for
the strong stellar irradiation and estimate that the effective temperature of the
planet is T ~ 1100-1800 K (e.g., Seager & Sasselov, 1998; Charbonneau et al.,
2000), no measurements of the temperature are available from actual observations
of the planet. An attempt to detect the reflected starlight from the planet during
secondary eclipse (i.e., the time when the planet disappears behind the star)

has recently been reported (Kenworthy & Hinz, 2003), but these observations
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were performed in the visible region and were limited by instrumental and atmo-
spheric effects. The infrared observations reported here have sufficient sensitivity
to detect the thermal emission spectrum from the planet at the level predicted by
several models for the planetary atmosphere.

In paper I (Richardson et al., 2003), we applied the method of occultation
spectroscopy observations of the secondary eclipse from the Very Large Telescope
(VLT), and using this technique over a narrow bandpass near 3.6 pm, we were
able to place limits on the abundance of methane in the planetary atmosphere.
The most stringent limit applied only to an exceptionally clear model atmosphere,
and only for certain values of the eclipse timing, which is uncertain by as much
as ~ 30 minutes, given the 1o error in the eccentricity of the orbit. In this paper,
we report a further attempt to detect the secondary eclipse of HD 209458 b using
the SpeX instrument at the NASA Infrared Telescope Facility (IRTF). We took a
different approach for these observations; we used a broader wavelength range, in
order to look for the infrared continuum of the planet near 2.2 ym. By observing
the combined light from the star and planet, we search for a change in the shape
of the spectrum as the planet disappears behind the star and later reemerges. The
nature of this technique makes our observations quite sensitive to the temperature

gradient in the planetary atmosphere.

5.2 Observations

We obtained a total of four nights of data from the SpeX instrument (Rayner
et al., 2003) at the NASA IRTF located on Mauna Kea in Hawaii. These are UT
19, 20, 26, and 27 September 2001, and secondary eclipse events were predicted
for UT 20 and 27 September.

The SpeX instrument is a cross-dispersed echelle spectrometer capable of

imaging and spectroscopy in the wavelength region between 0.8 and 5.5 ym with
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low to moderate spectral resolution (maximum around 2500). We operated the
instrument in 1.9 to 4.2 ym mode using the 0.5 arcsec slit, giving a spectral
resolution of 1500; this mode gives nearly-continuous wavelength coverage in this
region, over six orders of the echelle. The weather was excellent (low water vapor),
and the seeing conditions were good—Iless than 1.0 arcsec on all four nights. Both
eclipses occurred within an hour of the transit of the star across the local meridian,
meaning that the eclipse was observed with the object directly overhead.

The use of a comparison star is an important aspect of our observation
technique, and we selected HD 210483, a close spectral match to HD 209458 and
nearby in the sky (see Table 1 in Paper I). The comparison star was observed
immediately following each observation of the HD 209458 system. We nodded the
telescope between the ‘a’ and ‘b’ positions on the slit to remove the terrestrial
atmospheric background, and we recorded spectra in the sequence ‘abba.” A
given spectrum at either slit position was recorded with an integration time of
6 seconds per coadd and a total of 3 coadds; since the two objects were nearly
the same visual magnitude, we used the same integration time for observing both
objects. Typically we would record two successive ‘abba’ sets of HD 209458 and
then switch to the comparison star for two more ‘abba’ sets, giving approximately
a 50% duty cycle. It required only about 15 seconds to switch between the two
stars. Over the four nights of observations, we obtained 1036 individual spectra
of HD 209458 and 868 spectra of HD 210483, with a typical signal-to-noise ratio
of ~ 100 near 2.2 ym. Finally, we record calibration spectra approximately once
per hour. To account for flexure and other changes over the night, important for
the large SpeX instrument, we record flats using an IR continuum lamp, and we

record arc lamp spectra for wavelength calibration.
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5.3 Analysis

In this section we discuss the details of the analysis process used to interpret
the observations. This process consists of rejecting outlying points (or ‘hot pixels’),
extracting the spectra from the raw data, and subtracting a suitable comparison
spectrum to remove the telluric features. We search for changes in the resulting
‘difference spectrum’ that are synchronous with the secondary eclipse and are

therefore due to the spectrum of the planet.

5.3.1 Spectral Extraction

The first step in the analysis was the rejection of energetic particle events
and other intermittently bad pixels from the raw data. This was accomplished
using a median filter over a set of eight raw data frames, corresponding to two
‘abba’ sets.

For extracting the spectra from the raw data frames, we used the Spextool
software package, written by Mike Cushing and Bill Vacca for analysis of SpeX
data (Cushing et al., 2003; Vacca et al., 2003). The IDL widgets allow the user
to enter an ‘ab’ pair of raw images, with the corresponding calibration files (flats
and arcs). Given an individual ‘ab’ pair, the program extracts the sky background
using the region of the slit between the ‘a’ and ‘b’ object positions, and removes
this from the extracted ‘a’ and ‘b’ spectra. Further, it checks for the residual sky
background in the pair-subtracted image, and removes it if necessary. Currently,
the program outputs a standard extraction of the ‘a’ and ‘b’ spectra; that is, it
performs a sum over the spatial dimension to calculate the flux at each wavelength
point. Spextool also performs a wavelength calibration of the extracted spectra
using the arc frames (recorded by taking an image of an Argon lamp) as well as

tabulated information on telluric lines and comparing with the extracted spectra.
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Finally, Spextool corrects for slight detector non-linearities in the SpeX array.

5.3.2 Corrections to the Extracted Spectra

The spectra of each object for a given night are first interpolated onto a
constant and uniform wavelength scale. At this point we perform a second quality
control check to find and correct any remaining outlying points due to uncorrected
‘hot pixels.” For each wavelength point we perform a median filter over the time
series of all values of that point for a given object during the night. A point is
considered to be an outlier if the difference between the value of the point and
the median value is greater than 40, and it is then replaced by the median value.
This process effectively removes outlying points from the spectra, but it is only
necessary to correct about 0.3-0.4% of the total number of points for each object.

Next we remove from the stack any spectra that are clearly discrepant.
The rejected spectra correspond in most cases to observations that were listed
in our notes as questionable, either because of short-term changes in terrestrial
atmospheric conditions or poor focus of the telescope. The stacks of spectra
for both objects now contain only those spectra that will later be used in the
calculation of the difference spectra.

With the individual spectra (again, of a given object) now interpolated
onto the same wavelength scale and cleaned of outlying points, we then correct
the data at each wavelength point for telluric absorption. We fit a line to the
log of the intensity as a function of air mass, as described in Richardson et al.
(2003, Equation 3), although in this case, we correct to air mass of unity. In order
to ensure that we do not remove the effect of the planet from the HD 209458
spectra, we experimented with using the air mass correction calculated for the
comparison star to correct the HD 209458 spectra. We found that this did not

have a large effect on the resulting difference spectrum, showing that correcting
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Figure 5.1: Sample extracted spectra of HD 209458 (lower, thick curve) and
HD 210483 (upper, thin curve) from UT 27 September (near air mass of 1.27). The
comparison star has not yet been normalized for subtraction from the HD 209458
spectrum. The overall shape of the spectra is due to the instrument response
function.

the HD 209458 and HD 210483 spectra separately did not introduce a bias in the
resulting residual spectrum. An example of extracted spectra (only order 4, ~2.0—
2.4 pm) of HD 209458 and HD 210483 after the air mass correction is shown in
Figure 5.1.

We then calculate an average air mass-corrected spectrum of each object
for that particular night. By comparing the average spectra of HD 209458 and
HD 210483 we can identify stellar lines; at this resolution (R = 1500), only strong
stellar lines are important. Because of the large difference in the radial velocities

of the two stars, |Av| ~ 55.2 km s~ (Nidever et al., 2002; Wilson, 1953), a given
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stellar line will appear at a slightly different wavelength in one star relative to
the other. These show up clearly by subtracting the two average spectra. We
remove them by linearly interpolating between the points on either side of the
line. In comparing HD 209458 and HD 210483, we found a total of 16 stellar lines,

identified as Mg and Si, as well as a single H line and a single Na line.

5.3.3 Difference Spectra

With the groups of spectra cleaned and adjusted for the average telluric
absorption, we are now ready to consider individual spectra. First, we remove
the known stellar lines from the individual spectra in the same way that they
were removed from the average spectra. Note that at this point in the analysis,
the two sets of spectra (corresponding to the two stars) have been extracted and
interpolated onto separate wavelength scales. Next, an optimum shift value in
wavelength is calculated (for both the average as well as the individual spectra
separately) by minimizing the standard deviation of the difference in intensity
between a target and a normalized comparison spectrum for each order separately.
Using the calculated wavelength shift, we can then interpolate each comparison
spectrum onto the wavelength scale of each HD 209458 spectrum. This ensures
that the telluric absorption features line up in the average and individual spectra
of both objects.

Next, we calculate difference spectra by comparing individual spectra of
HD 209458 and HD 210483. As described, we record spectra of HD 209458, typi-
cally in groups of 8, or two ‘abba’ sets, and then switch to the comparison star.
The subsequent observations of the comparison star are recorded at nearly the

same air mass as those of HD 209458. We then calculate the normalized ‘differ-
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ence spectrum’ d; from

t; — fici)

_
d; = s (5.1)

where t; represents a single spectrum of HD 209458, ¢; is the corresponding com-
parison star spectrum, f; and g; are normalization factors, and ¢ is the average
comparison star spectrum for a given night of observations. We calculate a differ-
ence spectrum for each individual spectrum of HD 209458 by subtracting the cor-
responding subsequent comparison spectrum; for example, the first ‘a’ spectrum
of HD 209458 in a given ‘abba’ set would be compared to the first ‘a’ spectrum
in the subsequent comparison set. The normalization factors are used to place
the comparison spectra (average and individual) on the same scale as the spectra
of HD 209458. Although the two stars are nearly the same brightness, we never-
theless expect that they will not have exactly the same intensity levels, as seen
in the example in Figure 5.1, due to slit losses, variable atmospheric absorption,
and changes throughout the night. Both normalization factors are calculated for
the entire spectrum, rather than for each order independently, to ensure that any
overall slope in the planetary spectrum is not removed. The factors are computed
by enforcing the condition that the total of all orders in the comparison spectrum

is equal to the total of all orders in the spectrum of HD 209458, as in

_ Z)\ ti
D oaCi

fi (5.2)

and similarly for g;.

This process effectively and completely removes the terrestrial absorption
lines that dominate the object spectra. Furthermore, the process also has two
desirable side-effects. First, it removes any time-varying changes in the detector
response that may not have been corrected by the flat-fielding. Second, it removes
many of the variations in the continuum and line absorption that were not cor-

rected by the fit to air mass, because these variations may also be time-variable.
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Note also that the resulting normalized difference spectrum contains the candidate
planetary spectrum in flux units relative to the stellar spectrum, or the ‘contrast’

(Sudarsky et al., 2003).

5.3.4 Averaging over Wavelength

Once the individual difference spectra have been calculated, we then proceed
to average over wavelength in order to improve the signal-to-noise ratio. We
separate the spectra into sections, or ‘bins’, and average the points within each
bin. The bins are defined specifically for each region, such that a bin boundary
does not fall on a telluric or stellar feature. This ensures that we do not introduce
a bias in the bin average. The width of each bin is therefore variable but is
typically ~ 0.025 pm.

In looking at the series of binned difference spectra, we see that most of them
exhibit an overall slope. The variation in intensity is a slowly-varying function of
wavelength, amounting to typically 1-5% from 2-4 um; a slight slope is evident
in the example difference spectrum from UT 27 September shown in Figure 5.2.
We attribute this effect to image motion on the slit due to guiding errors, cou-
pled with the A7%2 wavelength dependence of seeing (Linfield et al., 2001). Our
interpretation is based on three considerations: 1) the extreme slopes are clearly
related to image quality, as judged by the slit losses through total intensity; 2) we
constructed a simple model of the process and found that we expect to see such
slopes, based on the wavelength dependence of seeing combined with guiding er-
rors of plausible magnitude; and 3) the IRTF staff also see the effect (M. Cushing,
private communication, 2002). We have investigated several methods for remov-
ing this baseline effect, but we found that our results for the short wavelength
region (2-2.5 pm) are robust and do not change significantly based on whether

a correction is made or on the details of the correction. This makes sense, given



0.04 1 T \

000 &% #}H }

A

-0.04 1 . L ] L

| | | | | |
2.0 2.5 3.0 3.5 4.0 4.5
Wavelength (microns)

Relative Difference

Figure 5.2: Sample binned residual spectrum from UT 27 September, correspond-
ing to spectra shown in Figure 5.1. Five different orders from the spectrograph
(three in the short wavelength region (1.9-2.5 pm) and two in the long wave-
length region (3.0-4.1 pum)) are shown as alternating filled and empty symbols.
Because of large uncertainties resulting from the terrestrial background, the long
wavelength data are not considered further in this analysis.

that the flux peak in the planetary spectrum, predicted by Sudarsky et al. (2003)
and others, is a relatively sharp peak and therefore insensitive to the removal of
a low-order polynomial over the entire 2—4 pym region. We therefore present our
results with no attempt to remove these gradual slopes.

Finally, the uncertainties have been carefully propagated through the entire
analysis. At the beginning of the analysis, after the spectra have been extracted
from the raw frames using Spextool, we calculate the noise level in each data set.
(Each data set consists of a time-series of spectra of a given object for a given night

of observations.) We take the error in each point to be the standard deviation
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in the time series at each wavelength point independently. This error value is
propagated through the calculation of the difference spectra and the wavelength
binning using the standard error propagation formulae. Furthermore, we tested
our analysis technique by adding a synthetic planetary signal to the data and

verifying that our algorithms could extract it with the correct amplitude.

5.3.5 Fit to Eclipse Curve

The final step in the analysis is the comparison of the processed stack of
residual difference spectra to the eclipse timing curve. The eclipse curve is calcu-
lated based on the predicted time of center of secondary eclipse (corrected for the
Earth-Sun light travel time), using known values of the period and time of center
eclipse from Schultz et al. (2003) (P = 3.5247542 + 0.0000044 days and 7T, =
2452223.896173 + 0.000086 HJD) and assuming a circular orbit (eccentricity e =
0). We also note that updated ephemeris data (P = 3.5247501 £ 0.0000004 days
and T, = 2452618.66888 + 0.00010 HJD) is available from Wittenmyer et al.
(2002). The eclipse curve is constructed in a simple way; zero represents during
eclipse, unity represents out of eclipse, and we perform a linear interpolation be-
tween the ingress and egress points. Then we perform a linear least squares fit of
the difference spectra to the eclipse curve, at each wavelength bin. The amplitude
from the least squares fit effectively produces a final spectrum that represents the
out-of-eclipse spectra minus the in-eclipse spectra, and therefore represents the
candidate planetary spectrum.

Finally, we consider the possibility of a shift in the predicted time of center
of secondary eclipse. The predicted times are based on the assumption of zero ec-
centricity, which implies that the orbit is circular and that the secondary eclipses
occur exactly between primary eclipses. However, the current value of the eccen-

tricity, calculated by Geoff Marcy and based on a single-planet fit to the Doppler
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Figure 5.3: Final difference spectrum, calculated by averaging the data from
the two ‘in-eclipse’ nights. This was obtained using 550 individual spectra
of HD 209458, with an equal number of HD 210483 spectra. The Sudarsky
et al. (2003) model is overplotted at the spectra resolution of the binned data
(A/AX ~ 90). The offset between the model and the data is not important, since
we are comparing the shapes of the two spectra. In this plot, the mean has been
subtracted from the data and model, respectively.

velocity measurements, is e = 0.0281 +0.0120 with w = 69.78 £1.2° (G. Laughlin,
private communication, 2003). If this eccentricity is taken at face value, it implies
a shift in the timing of the secondary eclipse of 6t = 31.4 minutes, a slightly later
eclipse. We have investigated the effect of changing the time of center eclipse by
as much as 120 minutes in either direction, but we found no dramatic change in
our results.

The final residual spectrum shown in Figure 5.3 represents the resulting
fit to the eclipse curve, averaged for both of the in-eclipse nights, assuming zero

orbital eccentricity. We show only the result for the short wavelength region (1.9-
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2.5 pm). The larger error bars in the 3.0-4.0 um region (suggested by Figure 5.2)
are caused by the terrestrial background and prevent a conclusive interpretation
of the planetary spectrum in this region. Analysis of these long-wavelength data
is continuing but is beyond the scope of this paper. Also plotted in Figure 5.3
is a model spectrum by Sudarsky et al. (2003), and we were surprised to realize
that this model is excluded by our data. We pursued this idea further to see what
limits could be placed on the planetary spectrum based on the residual spectrum
in the short wavelength region.

We note that a flat line would be consistent with our data shown in Fig-
ure 5.3, implying that any model that does not exhibit the peak shown in the
Sudarsky et al. (2003) model would escape detection in the present analysis. A
flat line drawn through the data overlaps 21 of the 27 points within the individual
1o error bars. Note that for a normal distribution of errors, 19 of 27 points would
be expected to fall within +10; therefore, our data are certainly consistent with
random deviations from a flat line. Given that the details of the analysis are well
understood, we are confident that a peak in the planetary spectrum is not being
fortuitously canceled by some systematic error in the data. We also note that the
results shown in Figure 5.3 have a slight negative curve (i.e., concave upward),
but this is not statistically significant. As for comparison with the Sudarsky et al.
(2003) model, the individual points are only 1 or 2 ¢ from the model, but the
deviations are systematic, and we exclude this model more rigorously below. In
order to explore the range of models that are rejected by our data, we do some

diagnostic model calculations.

5.4 Model Calculations

Our model calculations are intended to help interpret the null result for the

planetary spectrum in the region between 2.0-2.5 ym. We have implemented a
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simple spectral synthesis code to calculate model spectra for HD 209458 b. The
algorithm consists of adopting a temperature-pressure profile and computing the
emergent thermal emission spectrum. We then scale the temperature-pressure
profile in an ad hoc fashion and re-compute the spectrum. Although we do not
enforce radiative equilibrium when scaling the profile, the method is nonethe-
less consistent with our intent, which is to provide a diagnostic of the planetary
atmosphere.

The three fiducial temperature-pressure profiles, described below, were used
as input to the spectral synthesis code were calculated in radiative equilibrium
using improvements on the method given by Seager & Sasselov (1998) and Seager
et al. (2000). We devised a simple way of scaling the fiducial temperature-pressure
profiles to see how these scalings changed the resulting spectrum. The prescription
we used was

T’i’ =T+ ’Y(T; — TO) + Toffseta (53)

where T; is the temperature of layer ¢, and 7} is the boundary temperature, i.e.,
the temperature at small optical depth. Two parameters control the shape of the
synthetic profile: v determines the temperature gradient, or atmospheric heating,
and T gse; 1S used to adjust the overall temperature of the profile. We characterize
the shape of the resulting profile using the temperature at optical depth unity
for A = 2.15 pm (the center of the bandpass) and subtracting the boundary
temperature:

AT =T(r, =1) — Tp. (5.4)

Armed with a temperature-pressure profile, we continue by calculating the
continuous opacity due to collision-induced absorption (CIA) for Ho-Hy (Borysow,
2002) and Hy-He (Jgrgensen et al., 2000). We include line opacities for H,O, CO,

and CHy. The water lines are taken from the extensive line database calculated
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by Partridge & Schwenke (1997) and compiled by Kurucz,! the CO lines are from
Goorvitch (1994), and the CH, lines were obtained from HITRAN (Rothman
et al., 1998). The relative mixing ratios of the three species were determined
using the simple thermochemical equilibrium formulae provided by Burrows &
Sharp (1999). We then compute emergent intensity as the formal solution to the
radiative transfer equation, with the source function equal to the Planck function,
from

dl,
—=1,—B,(T). .
n (T) (5.5)

We then solve for I, and calculate the flux density by integrating over p, as in

F, = /M / B,(T(7))e~™" dr dp. (5.6)

Finally, we calculate the contrast ratio by dividing by a Kurucz model (Kurucz,
1992) for HD 209458. The parameters used in the Kurucz model were 7' = 6000 K,
log g = 4.25 (cgs), and [Fe/H]= 0.0, as calculated by Cody & Sasselov (2002) using
the parameters in Mazeh et al. (2000).

The assumption that the source function is given by the Planck function
amounts to ignoring scattering processes in the model atmosphere. Only clouds
and aerosols will produce significant scattering and absorption at this wavelength.
Any attempt to specify the distribution of clouds in our suite of diagnostic models
would be problematic, since the structure of these models has been perturbed in
an ad hoc fashion. Fortunately, the amplitude of the flux peak at this wavelength
is determined primarily by the wavelength distribution of CO and H;O opacity
and the temperature profile of the atmosphere.

It is useful at this point to clarify our usage of the Sudarsky et al. (2003)
model. We use their tabulated flux values? for the planet, divided by the Ku-

rucz model described above. We also multiply by the area ratio 0.016, obtained

! http://kurucz.harvard.edu/molecules/h20/
2 http://zenith.as.arizona.edu/~burrows/
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Figure 5.4: Temperature-pressure profiles of the four fiducial cases. The dashed
curve is from the Sudarsky et al. (2003) model, the thick solid curve is the cloudy
f =1 case, the thin lower curve is the cloudless f = 1 case, and the dotted line is
the cloudless f = 2 case.

by taking R, = 1.42R; (Cody & Sasselov, 2002) and R, = 1.146 Rp. This
yields approximately twice their tabulated contrast values, because their con-
trast is phase-averaged (Sudarsky, private communication, 2002). Using their
temperature-pressure profile as input, we calculate a flux peak of similar but
slightly larger magnitude with our simplified spectral synthesis code, and the dif-
ferences could be explained by the fact that we ignore their cloud opacities in our
calculation. Note that our limit is based on the Sudarsky et al. (2003) flux divided
by the Kurucz model, NOT on our re-calculation of the spectrum.

The assumed redistribution of incident stellar radiation is also different

among the models. We define the redistribution factor f, where the f = 1 case
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represents the situation in which the incident radiation is evenly redistributed
over the entire planet. The f = 2 case represents the one in which the incident
radiation is completely absorbed and re-emitted on the day side of the planet.
The Sudarsky et al. (2003) model assumes f = 2 (or equivalently, f = 0.5 using
their definition of f). As noted, our first case for comparing with the observational
results is the Sudarsky et al. (2003) flux divided by the Kurucz model. We choose
three other cases as fiducial models for comparison with the data. These have
been selected in order to test a wide range of the possible physical conditions in
the atmosphere. We choose two f = 1 models, one with no clouds and one with
cloud opacity due to MgSiOs, Fe, and Al,O3. Since the Sudarsky et al. (2003)
model considers cloud opacities and assumes f = 2, we further select a cloudless
model with f = 2. The temperature profiles of these four cases are shown in Fig-
ure 5.4, and the results for the four flux peaks (the Sudarsky et al. (2003) result

as well as the cloudless and cloudy fiducial cases) are shown in Figure 5.5.

5.5 Results and Interpretation

We now fit these four modeled flux peaks to the data using linear least
squares, as in

T = a-l—bmi, (57)

where 7; represents the resulting difference spectrum (shown in Figure 5.3), m;
represents the contrast ratio from a given model, 7 represents the wavelength bin,
and a and b are the coefficients of the fit. The slope of this fit, b, which we call
the ‘model amplitude,’ therefore represents the ‘amount’ of the model signal that
appears in the data. A model amplitude of unity would mean that the model
clearly fits the data (depending on the errors), while a value of zero represents

no correlation between the model and the data. Note that the y-offset between
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Figure 5.5: Comparison of contrast for the four fiducial cases. Uppermost dashed
curve is the cloudless f = 2 case. The thick middle curve is the cloudy f = 1 case,
and the lower dotted curve is the cloudless f = 1 case; these three are the result
of the simple spectral synthesis calculations, plotted at a spectral resolution of
1500. The thin, solid curve is the Sudarsky et al. (2003) result for the planetary
flux divided by the Kurucz model (see text).

the model and the data is irrelevant, since we are searching only for the evidence
of the shape of a given model within the data. For the model given by Sudarsky
et al. (2003), the resulting model amplitude is —0.04 + 0.28, indicating that this
f = 1 model is excluded by our data at the 30 level. For our other cases, the
results are 0.02 £ 0.57 for the cloudless (f =
(f =

f =1 are not rejected quite so strongly.

1) case, —0.25 £ 0.47 for the cloudy
1) case, and 0.03 +0.20 for the cloudless (f = 2) case. The two models with
The least squares fit described above is difficult to interpret for models with

small amplitude flux peaks, as in some of our scaled models. It is also desirable
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Table 5.1: Results of our ‘fake data’ simulations for the fiducial cases. The value
Nt represents the number of detection failures in 10° trials, as plotted in Figure 5.6.

Model AT (K) Ny
Cloudless (f=1) 960.36 11127
Cloudless (f=2) 1265.38 15
Cloudy (f=1) 797.92 3183
Sudarsky et al. (2003) Flux Ratio* (f=2) - 360

*As calculated by dividing planetary flux by the Kurucz model; see Figure 5.5 (thin, middle
curve).

to explore another way to quantify the degree to which the four specific models
are rejected by the data. We use a Monte Carlo technique to accomplish this.
To quantify the statistical significance of the rejection of any particular model,
we constructed ‘fake data’ by adding normally-distributed noise to the modeled
contrast values, with o equal to the size of the error bar in each bin of Figure 5.3.
We created 10° fake data sets for each model and then fit each one to the original
model using linear least squares (in the same way in which the real data were fit
to the model to calculate the model amplitude). Next, we determine the number
of resulting model amplitudes which are less than or equal to the value obtained
by fitting the original model to the actual data. We call this the number of
detection failures, Ny, out of 10° trials. Since the data are essentially flat, we are
not seeking to determine which models are detected (none are); rather, we want
to know which models would have been detected, given the errors in the data,
and can therefore be rejected. Thus, the lower the value of N¢, the stronger a given
model is rejected by the data. The results for the four specific models discussed
thus far are shown in Table 5.1, and are also plotted in Figure 5.6 (filled symbols).
The Sudarsky et al. (2003) result and the cloudless f = 2 case are rejected, while

the cloudless and cloudy (f = 1) fiducial cases are more acceptable.
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tion 5.4). See Table 5.2 for details of each scaled profile. The filled symbols, along
with the asterisk, represent the four fiducial cases described in Table 5.1.

We tested our suite of scaled models, with the prescription given by Equa-
tion 2.38, using this technique. The parameters and results of these models are
shown in Table 5.2 for the cloudless and cloudy f = 1 cases. The results of N
vs. AT are plotted in Figure 5.6 for both sets of models. Now we must choose
a limit on V¢ to conclude that a given model is rejected by the data. We take
1%, or N; = 1000 as a conservative rejection limit. Table 5.2 shows that 6 of the
scaled cloudless f = 1 models can be rejected as inconsistent with the data. These
correspond to steeper scaled profiles, with v > 1.5. Thus, we can see that the
temperature profiles with a higher temperature gradient, causing a larger peak

near 2.2 um in the emergent spectrum, can be eliminated as inconsistent with
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Table 5.2: Scaling parameters for each cloudless and cloudy f = 1 profile. The
value N represents the number of detection failures in 10° trials, as plotted in

Figure 5.6.

AT (K) 7 Toffset Ng
Cloudless | 517.42 0.50 0 26680
510.21 0.50 100 22665
510.00 0.50 -100 32808
750.58 0.75 0 22834
734.92 0.75 100 16550
762.85 0.75 -100 29557
960.36 1.00 0 11127
939.94 1.00 100 6589
978.55 1.00 -100 17136
1151.05 1.25 0 2714
1128.48 1.25 100 1225
1175.98 1.25 -100 5594
1328.16 1.50 0 280
1300.31 1.50 100 73
1357.76  1.50 -100 758
1652.07 2.00 0 0
1623.06 2.00 100 0
1684.67 2.00 -100 0
Cloudy 418.63 0.50 0 9477
413.15 0.50 100 6482
422.91 0.50 -100 12783
612.63 0.75 0 6383
605.37 0.75 100 4014
620.46 0.75 -100 9597
797.92 1.00 0 3183
787.74 1.00 100 1772
808.55 1.00 -100 5646
976.03 1.25 0 1136
964.24 1.25 100 568
987.11 1.25 -100 2189
1147.48 1.50 0 240
1136.11 1.50 100 97
1160.71 1.50 -100 584
1481.52 2.00 0 2
1470.01 2.00 100 1
1495.06 2.00 -100 6
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our observations. The more isothermal profiles, on the other hand, are consistent
with the data. Furthermore, 7 of the scaled cloudy f = 1 profiles tested also can
be rejected. All of the profiles with v > 1.25 and positive Tygse; fall below the
detection limit and are clearly inconsistent with the data. Figure 5.6 indicates
that only models with AT < 1100 K are consistent with our data. Note that
the rejection also depends on Tyt from Equation 2.38; for example, the higher
values have raised the temperature profile such that it is clearly rejected by the

data. The rejection limit, however, is strongly dependent on AT

5.6 Conclusion

Our results are extremely sensitive to the shape of temperature-pressure
profile, which is as expected, given that the Planck function varies strongly with
temperature in this wavelength region. Besides the shape of the profile, there are
a variety of other possible processes in the planetary atmosphere that could render
the planet undetectable with these observations. For example, the broad peak in
the spectrum near 2.2 pym is caused by the large number of weak water lines on
either side of this feature. Absorption by these lines lowers the continuum level on
either side, thus creating the peak. One obvious process by which the peak would
not appear is a lowering of the water abundance in the planetary atmosphere. We
tested this idea and found that only when the water abundance was lowered by
a factor of 10 did the peak become small enough to escape detection using our
method. This value for the water abundance (~ 9.8 x 107°) seems unrealistically
small.

The atmospheric dynamics of HD 209458 b could also have a strong impact
on the emergent spectrum. The Sudarsky et al. (2003) model assumes that the
heat is absorbed and re-radiated only on the day side (f = 2), thus giving rise

to a hot side and a cold side of the planet. Since this model is rejected by our
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data, this implies that the large temperature asymmetry scenario may not be
viable and that some sort of transport mechanism must be at work to move the
incident energy from the hot to the cold side. Showman & Guillot (2002) suggest
that the day-night temperature difference may be as great as 300 K, leading to
strong winds of 1 km s~! or more. We further caution that we have observed only
two secondary eclipses of HD 209458 b. Recent simulations by Cho et al. (2003)
indicate that the temperature asymmetry between the two hemispheres may be
time-variable; this effect can be so strong as to render the day side to be colder
than the night side at times.

We suggest two ways in which the 2.2 ym flux peak would be lowered suf-
ficiently to be consistent with our observations. The first is the efficient redistri-
bution of the incident radiation over the entire planet. A subset of these models,
specified by f = 1 with no clouds and assuming solar abundance of elements,
seem to be consistent with our data. Second, additional opacity in the upper
atmosphere will flatten the T/P profile, reducing the relative amplitude of the
2.2 pm peak. For example, the T/P profiles shown by Barman et al. (2001) are
nearly isothermal, and will certainly produce 2 um spectra consistent with our
observed limit. Barman (2003, private communication) attributes this behavior to
their treatment of the opacity, specifically the inclusion of strong gaseous opacity
due to metals. We suggest that a high-altitude cloud (favored by Charbonneau
et al. (2002) to explain their low sodium result) would also make the atmosphere
more isothermal if the cloud is sufficiently absorbing. Note, however, that the
Charbonneau et al. (2002) sodium result requires placing such a cloud at the limb
of the planet, whereas our results require the clouds to be broadly distributed on
the day side.

Finally, we note that our results have been obtained using the 3-meter IRTF,

indicating that valuable observations of extrasolar planets, leading to new infor-
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mation on the atmospheres of these objects, can be conducted using smaller tele-

scopes from the ground, given favorable observing conditions and careful analysis.



Chapter 6

Conclusion

The field of extrasolar planet detection and characterization is currently one
of the newest and most exciting research topics in astrophysics, and the transiting
planet HD 209458 b has generated much interest and a wealth of new knowledge
on the subject. This chapter concludes by summarizing the results of this research
on HD 209458 b and by giving some ideas for future observational studies on this

and other transiting planets to be discovered in the future.

6.1 Implications for HD 209458 b

We have discussed at length the observations of HD 209458 b performed at
the IRTF and the VLT in 2001. These observations represent the first attempts to
detect the secondary eclipse in the infrared region of the spectrum. Although we
have not yet been able to detect the planet atmosphere directly, the high sensitivity
of our measurements has allowed us to place strong limits on the properties of
the atmosphere. We now discuss the significance of our results, as well as other
measurements of HD 209458 b, in the context of the physical processes at work in
the atmosphere.

The IRTF results described in Chapter 5 have interesting implications for
the physical structure of the atmosphere of HD 209458 b in the 2.0-2.5 pm region.

Our resulting spectrum was essentially flat; we saw no evidence for the flux peak
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near 2.2 um as predicted by some models. Because the Planck function varies
strongly with temperature in this wavelength region, we expect the results to
be extremely sensitive to the temperature-pressure profile. We find overall that
the steeper profiles (the ones with a higher temperature gradient) are excluded
by the data, while the more isothermal ones are more consistent. As discussed
in Chapter 4, the VLT results show no evidence for methane absorption in the
3.5-3.7 pm region, although these results depend on the eclipse timing.

The detection of the sodium doublet in transmission represents the first
detection of an extrasolar planet atmosphere. From these measurements, Char-
bonneau et al. (2002) concluded that the sodium equivalent width was about a
factor of three lower than expected. Preliminary results from another observa-
tional program suggest that CO is not detected in transmission (Brown, private
communication, 2002). Finally, we note the radius of HD 209458 b is larger than
that of Jupiter (R, = 1.42R;).

One explanation for these observed results is that a high cloud deck covers
the upper layers of the atmosphere. This would be an unfortunate situation for
observers hoping to learn about the composition and structure of the atmosphere
of HD 209458 b. Such a situation would severely restrict radiation from the deep-
est layers from reaching the top of the atmosphere. If this were the case, the
continuum would be formed high in the atmosphere, meaning that the column
density of a given species would be much smaller. This would imply that spectral
features would be difficult to detect.

As described in Section 6.2, the high cloud would also have a strong impact
on the temperature structure in the atmosphere. If it were strongly absorbing,
the upper layers would be heated, thus flattening the temperature profile. On the
other hand, if the cloud were strongly reflecting, a smaller fraction of the incident

radiation would reach the deeper layers of the atmosphere, causing those layers to
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be cooler. In both cases, the overall effect is to make the temperature profile more
isothermal. We have shown that this case is consistent with the short-wavelength
IRTF data, but in fact, it is also consistent with other observational programs
to detect the atmosphere of HD 209458 b. For example, one explanation of the
observed low sodium abundance is the presence of a high cloud on the terminator
(Charbonneau et al., 2002). We also note that this idea is consistent with the
fact that we were not able to detect methane in the VLT results, although the
non-detection was only for certain eclipse timings.

Another situation that would drastically change the structure of the planet
atmosphere is photochemistry in the upper atmosphere. That is, the chemical
composition of the planetary atmosphere may not be described by thermochem-
ical equilibrium considerations. Because of the planet’s proximity to its star,
photochemical processes could have a drastic effect on the emergent spectrum.
Recalling that this is a Jupiter-sized planet orbiting at 0.042 AU (approximately
ten times closer to the primary than Mercury is to the Sun), it is clear that the
ultraviolet flux density at the top of the atmosphere must be a large effect. A
consideration of this effect has not yet been reported in the context of extrasolar

planetary atmospheres.

6.2 The Effect of Clouds on Temperature Structure

Since the IRTF results exclude models for the planetary atmosphere with
large temperature gradients, we consider the effect of clouds on the temperature
structure. The following discussion is based on a derivation from Salby (1996,
Section 8.5). We begin with the expressions for the upwelling and downwelling

flux density, as derived using the well-known two-stream approximation:

dFy _ s
=F, — S} 6.1
d,l_:\k A A ( )
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dFy
dry

=F} - S;. (6.2)

The superscript (*) refers to the simplifying approximation that the optical depth
scale is given by

T)T = ﬂ_l X (63)

where [i is called the diffusivity factor and essentially represents an effective in-
clination that can be used to eliminate the integral over zenith angle. We ignore
scattering effects and take the source function S} to be the Planck function Bj.
The derivation also assumes that the atmosphere is gray, meaning that the ab-
sorption is independent of wavelength. We further define the expressions for the

net flux density and the total flux density:
F=F"—F* (6.4)

F=F"+F" (6.5)

We consider two cases. The first is the situation in which the incident short
wavelength (SW) radiation is completely transmitted through the atmosphere
and absorbed by the surface; since the atmosphere is transparent to the SW
radiation, this corresponds to the cloudless case. The surface then re-radiates
long wavelength (LW) radiation, and each layer of the atmosphere then absorbs
and re-emits LW radiation.

Looking at Equations 6.1 and 6.2, we can add and subtract the two expres-

sions and transform them using Equations 6.4 and 6.5. This leads to

dF
dr*

=F—-2B* (6.6)

iF
dr*

6.7)

We note that under the assumption of radiative equilibrium, the net flux density

F is equal to a constant, from the first law of thermodynamics. That is, there is
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no source or sink of radiation within the atmosphere. Thus, Equation 6.7 can be
integrated directly to obtain

F=Fr+0, (6.8)

while Equation 6.6 reduces to

F =2B*. (6.9)

By equating 6.8 and 6.9, we have

F
B* (") = 57* + B;. (6.10)

The quantity Bj represents the amount of radiation emitted at the top of the
atmosphere. We can determine this quantity explicitly by balancing the SW
radiation incident on the top of the atmosphere (given by Fy) with the outgoing

LW radiation emitted at the top:

At the top of the atmosphere, 7% = 0, and the downwelling LW radiation vanishes:
F4(0) = 0.
Applying this to Equation 6.4 for the net flux, we have
F=F'"=F (6.11)
and similarly for F' from Equation 6.5,
F(0)=F". (6.12)

These expressions can be applied to Equation 6.9 at the top of the atmosphere,
leading to

- (6.13)

F'_F
2 27
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Substituting Equation 6.13 into Equation 6.10 gives

B () = %(T* +1). (6.14)

Finally, we can now calculate the temperature as a function of optical depth using

the Stefan-Boltzmann Law (see Equation 2.11):

T(r) = [5—2(7* + 1)] i (6.15)

For the second case, we depart from the derivation in Salby (1996) and
assume that the atmosphere absorbs a portion of the incident SW radiation, which
simulates the presence of a cloud. Suppose that the SW flux is absorbed according
to the usual expression,

Fsw = Fy e_TI*, (616)

where 7"* is the optical depth scale for the SW radiation. We parameterize this

in terms of the LW optical depth scale 7*:
™ =pT7" (6.17)

The parameter 5 can be adjusted to control the amount of SW radiation absorbed,
simulating the magnitude of the effect of the clouds. This absorbed SW radiation
is also re-emitted as LW radiation at each layer, and we assume that it is re-emitted

equally in the upward and downward directions:

1 .

Fly = Fy = 5 o e P (6.18)

In this case, we must add a term, given by Equation 6.18, to the source function

to account for the absorption. Thus, Equations 6.1 and 6.2 become

dF} 1 .

=F - B~ ZFye P 6.19

dT;\k A ATy o€ ( )
dFy | 1 .

— =F'—Bf— -~ F,e P, 6.20
de\k A AT 0€ ( )
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The derivation continues almost exactly as in the first case. We add and subtract

Equations 6.19 and 6.20 to obtain

dFF  _ .
— F —2B* — Fye P7 6.21
dr* 0€ ( )
dF
— 6.22
dr* ( )

Note that we can still define the net flux density and the total flux density as
in Equations 6.4 and 6.5 and that the assertion that the net LW flux density is

constant is still valid. We then have
F=Fr+C, (6.23)

exactly as before, and

F =2B*— Fye ?7. (6.24)

By equating the two expressions (6.23 and 6.24) for F', we obtain

F « F
Fﬁﬂzé%”7+§ﬁ+33 (6.25)

Now we can eliminate F' by balancing the incident SW radiation with the upwelling

LW radiation at the top of the atmosphere, just as before:
1) & L o o=Br(©)
FQZF(O)+§F0€ .
Since 7%(0) = 0, this reduces to
F'0) = — (6.26)

Note that from Equation 6.4 and the fact that the downwelling radiation vanishes

at the top, we also have

F:%. (6.27)

Next we find an expression for Bj in Equation 6.25 by combining Equations 6.24
and 6.5:
F=2B"-Fye?” =F'+ F¥,
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and evaluating at 7*(0) = 0 to obtain

_ F
F=2B-Fy=F"= 70 (6.28)
where we have used Equation 6.27 in the final equality. Solving for Bj, we have

3
By =1 Fy (6.29)

We now substitute Equations 6.27 and 6.29 into Equation 6.25:

D)

*

. 3
B* (1) (e‘ﬂT + %) +5 R (6.30)
Finally, just as in the first case above (see Equation 6.15), we use the Stefan-

Boltzmann law to calculate the run of temperature with optical depth:

T(r) = [l [% (em* N %) N %FOH %, (6.31)

o

We are now in a position to consider the difference in the temperature pro-
file for the two cases. We take the incident SW flux Fj to be the radiation from
a 6000 K blackbody, multiplied by the solid angle subtended by the star at the
planet’s orbital distance. The result for the temperature profile for both cases is
shown in Figure 6.1, where the solid line represents the case with no absorption
of SW radiation (given by Equation 6.15), and the dashed line represents the case
with inclusion of absorption of SW radiation (given by Equation 6.31). As shown,
with the absorption of some SW radiation in the upper layers of the atmosphere,
the temperature of these layers has increased; consequently, less radiation reaches
the deeper layers, causing them to cool off and thus decreasing the overall temper-
ature gradient. For this plot, a value of § = 0.7 has been assumed. We note that

for larger values, 8 2 1.5, a temperature inversion begins to appear, as expected.

6.3 Continuing Work

The analysis of the data obtained at the IRTF and the VLT is continu-

ing, to determine what other information can be extracted from the data. As
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Figure 6.1: The solid line represents the resulting temperature profile when the
atmosphere is assumed to be transparent to the incident SW radiation. The

dashed line is the result for the assumption that the incident SW radiation is

absorbed according to the usual e™".

alluded to in Chapter 5, no result was obtained using the long wavelength region
of the IRTF data. The two longest-wavelength orders (3-4 pm) were dominated
by variations in the terrestrial atmospheric absorption, making extraction of the
planetary signal difficult at best. However, early work on these data suggested
possible evidence for the planetary signal, and the investigation continues. Finally,
with a new version of Spextool released very recently, we intend to re-extract the
spectra from the raw images. Since the new version has the capability to perform
optimal extractions, this may alleviate the problem with terrestrial atmospheric
absorption in the long wavelength orders.

Furthermore, the variability of the terrestrial atmosphere is another prob-

lem that may be addressed by our data. The IRTF data recorded continuous
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monitoring of the terrestrial background in the unused portions of the slit. This
information, combined with our methods of removing the terrestrial background,
could be useful to other researchers in the field of infrared astronomy. Few projects

have achieved such small error levels in the analysis of infrared spectroscopy.

6.4 Future Studies

In this section we briefly outline some of the exciting future observational

possibilities that will certainly lead to even more information about HD 209458 b.

6.4.1 Day-Night Temperature Asymmetry

The question of atmospheric dynamics and circulation in the atmosphere of
HD 209458 b can be probed with further observations. The orbit of the planet is
nearly circular, and the planet is expected to be tidally locked. That is, the same
side of the planet will always be facing the star, meaning that the incident stellar
radiation will always be absorbed by the ‘day side.” The large amount of absorbed
stellar radiation suggests a mechanism for transporting the energy from the day
side to the night side. An observational program that could address this question
is a temperature measurement of the planet during primary eclipse and just before
secondary eclipse (Charbonneau et al., 2000). Calculations by Showman & Guillot
(2002) suggest that the day-night temperature difference could reach as much as
300 K, giving rise to large wind speeds, as high as 1 km/s. A measurement of
the infrared light curve of the planet may be possible within the next few years,
using upcoming space instruments. Showman & Guillot (2002) point out that
observations of the infrared light curve of HD 209458 b will help constrain the
direction and magnitude of planetary winds, by discerning temperature changes

in the atmosphere as a function of longitude.
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6.4.2 Space-Based Observations

An exciting prospect for future observations of this and other transiting
extrasolar planets is the opportunity for observing from space. A large part of the
current work has been to correct for the variations in the terrestrial atmosphere;
this problem is avoided altogether by performing the observations from space. We
describe some of the upcoming space missions relating to infrared astronomy and
how they can be applied to observations of extrasolar planets.

The Space Infrared Telescope Facility (SIRTF), scheduled to launch in April
2003, is the third of NASA’s Great Observatories, covering the infrared region of
the spectrum, with a wavelength coverage of 3-180 um. One of the main scientific
goals of SIRTF is the characterization of brown dwarfs and extrasolar planets.!
SIRTF is a 0.85-meter telescope that will be placed in an Earth-trailing orbit
around the Sun. One of the three instruments on SIRTF is the Infrared Spectro-
graph (IRS), which provides six modes for low and high resolution spectroscopy in
the wavelength region between 5 and 40 ym. The low resolution, short wavelength
mode, for example, covers 5.3-14 ym at R ~ 62-124.2

The Stratospheric Observatory for Infrared Astronomy (SOFIA),® a joint
project of NASA and the German Aerospace Center, is an airborne observa-
tory slated to see first light in late 2004. It is a 2.5-meter telescope mounted
aboard a modified Boeing 747SP aircraft. Nine instruments are currently planned
for SOFIA. One is the Echelon-Cross-Echelle Spectrograph (EXES), which will
provide wavelength coverage between 5 and 28 pm. The instrument has three
resolution modes: 10°, 10%, and 3000.

The James Webb Space Telescope (JWST),* formerly the Next Generation

1 http://sirtf.caltech.edu/science/overview/index.shtml
2 http://sirtf.caltech.edu/SSC/obs/overview.html

3 http://sofia.arc.nasa.gov/

4 http://www.stsci.edu/jwst/overview/design/index html
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Space Telescope, is currently poised to move from Phase A, the planning and
technical study stage, to Phase B, the definition stage. Thus, many of the details
are in a state of flux, and the specifics of the final instrument suite are not known.
The basic design is a 6-meter telescope placed in orbit around the second La-
grange (L2) point, where the thermal effects from the Earth and Moon are small.
Currently, three instruments are planned for the JWST focus on the infrared re-
gion of the spectrum. The Near-Infrared Spectrograph (NIRSpec) will provide
spectroscopy in the wavelength region 0.6-5 pm. It will have a field of view of 3’
by 3’, allowing simultaneous spectra of over 100 objects. This suggests the possi-
bility of recording the comparison star truly simultaneously with the observations
of HD 209458; we note however, that HD 210483 is nearly a degree away from
HD 209458, and therefore both could not be observed in the same field of view.
NIRSpec will have two options for the resolving power, R ~ 100 or R ~ 1000.
The examples cited here represent only a few of the space-based infrared
instruments under development. Observations from space will improve measure-
ments because the variable terrestrial atmosphere will not interfere with the obser-
vations. More importantly, we will be able to search for spectral features of H,O
and CHy, which can be difficult from the ground because the Earth’s atmosphere
contains these molecular species. Water is almost certain to be abundant in the
atmospheres of extrasolar giant planets (e.g. Hubbard et al., 2001), but detecting

this species from the ground is problematic at best.

6.5 In Closing

The work described here represents an important addition to the growing
body of knowledge of extrasolar planets. The techniques described in this work
can be applied to other transiting extrasolar planets certain to be discovered in

the coming years. Numerous ground-based observational programs to search for
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transits are already in place and more are being planned. The Kepler mission is
a Discovery-class mission recently selected by NASA that is planned for launch
by 2007. Depending on the frequency of planet formation, Kepler could detect
hundreds of Earth-sized extrasolar planets in its four-year mission, and over a
thousand Jupiter-sized planets (Borucki et al., 2002). We also note that our
technique could even be applied to planets that do not transit, by using differences
in radial velocity between the star and planet (Wiedemann et al., 2001).

With the ongoing characterization of the physical parameters, chemical com-
position, and atmospheric dynamics of HD 209458 b and the discovery of more
extrasolar planets, we learn more about the frequency of planet formation in the
galaxy. Already useful statistics have been obtained regarding the mass distribu-
tion of planets. With the discovery of smaller and smaller planets, we are now at
the threshold of discovering Earth-like planets around other stars, the main scien-
tific objective of the Kepler mission. Knowledge of the frequency of other planets
in the galaxy and their characteristics help us to study our own solar system in

the context of the rest of the galaxy.
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Appendix A

List of Acronyms

Acronym | Meaning

CEGP Close-in Extrasolar Giant Planet

CIA Collision-Induced Absorption

Dec Declination

ESO European Southern Observatory

FGS Fine Guidance Sensor

HA Hour Angle

HJD Heliocentric Julian Day

HST Hubble Space Telescope

IRTF Infrared Telescope Facility

ISAAC Infrared Spectrometer and Array Camera
JWST James Webb Space Telescope

OGLE Optical Gravitational Lensing Experiment
RA Right Ascension

SIRTF Space Infrared Telescope Facility

SOFTA Stratospheric Observatory for Infrared Astronomy
STIS Space Telescope Imaging Spectrograph
uT Universal Time

VLT Very Large Telescope




